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1 INTRODUCTION

ABSTRACT

We examine the effect of magnetic fields on star cluster féiondy performing simulations
following the self-gravitating collapse of a turbulent rollar cloud to form stars in ideal
MHD. The collapse of the cloud is computed for global masfitts ratios ofco, 20, 10, 5
and3, that is using both weak and strong magnetic fields. Whilsheat very low strengths
the magnetic field is able to significantly influence the stanfation process, for magnetic
fields with plasmas < 1 the results are substantially different to the hydrodyrasase. In
these cases we find large-scale magnetically-supported iraprinted in the cloud structure;
anisotropic turbulent motions and column density strieetligned with the magnetic field
lines, both of which have recently been observed in the Tanmmoiecular cloud. We also find
strongly suppressed accretion in the magnetised runsnipémlup to a 75% reduction in the
amount of mass converted into stars over the course of thalatibns and a more quiescent
mode of star formation. There is also some indication theitéthative formation efficiency of
brown dwarfs is lower in the strongly magnetised runs dudé¢aéduction in the importance
of protostellar ejections.
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lapse of a turbulent cloud in the presence of a magnetic fetd (i
et al. 2004; Li & Nakamura 2006; Vazquez-Semadeni et al5200

Understanding how stars like the Sun form is one of the keg-que
tions central to our understanding of the Universe we livé\ihilst

we have come a long way in this understanding since the pionee
ing work of Jeans, many of the fundamental questions sucheas t
rate, distribution and efficiency of star formation remaither un-
known or are the subject of vigourous debate. One of the kegsar
of uncertainty is whether or not star formation is a rapid (Nlaw

& Klessen 2004; Hartmann et al. 2001; Elmegreen 2007) or slow
(Shu et al. 1987; Tan et al. 2006) process, central to whithes
relative importance of magnetic fields to the star formagiorcess.

Whether or not star formation is rapid or slow, the fact re-
mains that molecular clouds are observed to contain maginetis
of sufficient strengths that they cannot be ignored in anypteta
theory of how stars form from such clouds (e.g. Crutcher 1999
Bourke et al. 2001; Heiles & Crutcher 2005). Furthermoreeuol
ular clouds are observed to contain supersonic turbuletionms
(Larson 1981), so the interaction of turbulence and magifieids
is critical to our understanding of the star formation pssceThis
interaction has been the subject of a number of studies wideh
shown that magnetic fields anet effective in preventing the rapid
dissipation of supersonic turbulence in the absence ofiroced
driving (Stone et al. 1998; Mac Low et al. 1998; Vazquez-S#ena
et al. 2000), though the presence of magnetic fields doeggehan
the dynamics of the turbulence (Padoan & Nordlund 2002; ado
et al. 2007). However, to date, there has been only a hanéiful o
simulations which have attempted to follow the self-graiitg col-
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Tilley & Pudritz 2007).

The ability of magnetic fields to provide support againstigra
itational instability is determined, for an enclosed regif gas
threaded by a magnetic field, by the ratio of the mass cordaine
within the region to the magnetic flux passing through théaser,
ie. themass-to-fluxatio, which for a spherical cloud is given by

M M

T = R @
where M is the mass contained within the cloud volunieis the
magnetic flux threading the cloud surface at radiiassuming a
uniform magnetic field3,. The critical value of\f /® below which
a cloud will be supported against gravitational collapsgiien
by (e.g. Mouschovias & Spitzer 1976; Mestel 1999; Mac Low &

Klessen 2004)
M 2C1 5
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whereG andp are the gravitational constant and the permeability
of free space respectively amrd is a constant determined numeri-
cally by Mouschovias & Spitzer (1976) to lae ~ 0.53. Star form-

ing cores with mass-to-flux ratios less than unity are staphénst
collapse (“subcritical”) and conversely, cores with mas$lux ra-
tios greater than unity (termed “supercritical”) will cafise on the
free-fall timescale. Throughout this paper we use the r@$isx
ratio, defined in terms of the critical value, to quantify thagnetic
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support of a molecular cloud against collapse and we perimm
ulations using initially supercritical clouds (though tarying de-
grees). Giant molecular clouds are generally thought te haag-
netically subcritical envelopes but to be supercriticahieir inner
parts Ciolek & Mouschovias (1995); Cortes et al. (2005), & pi
ture which is largely confirmed by observational results othb
large scales (McKee 1989; McKee et al. 1993) and in densescore
(Crutcher 1999; Bourke et al. 2001).

Li et al. (2004) examined the role of magnetic fields in self-
gravitating core formation within a turbulent moleculaowt in a
periodic box. They found that cores formed within a supéoai
cloud were also locally supercritical by at least an ordemafni-
tude, indicating that a globally supercritical magnetitcfidoesnot
evolve to produce locally magnetically subcritical comtrary to
some earlier expectations (Mestel & Spitzer 1956). Funtiuee,
even with supercritical cores they found a central magrféetid
strength in core® o p'/2, similar to observations (Crutcher 1999)
which has often been used as an argument for magnetic support
molecular cloud cores. They also found strong interactitwben
cores and rotationally supported discs. Tilley & Pudrit2q?2) also
performed simulations of self-gravitating collapse in gresence
of magnetic fields and found that the observed near-critioeds
could form naturally from a globally highly supercriticdbad, and
that these cores generally have the same gas-to-magnesisupe
ratio, 3 as the mea in the global cloud.

Given that magnetic fields always act to oppose gravitationa
collapse, it has often been suggested that they may playame d
inant role in regulating the star formation efficiency in emilar
clouds (e.g. Krumholz & Tan 2007), though there are alsorsé¢ve
other good candidates for doing so, including turbulemtgbited
collapse (e.g. Tilley & Pudritz 2004; Li et al. 2004; Vazgue
Semadeni et al. 2005), feedback from jets and outflows (Nakam
& Li 2005; Li & Nakamura 2006), the dispersal of initially un-
bound clouds (Clark et al. 2005) or radiation feedback frown t
stars themselves. Secondly magnetic fields are often invedke
solve the ‘angular momentum problem’ in star formation Vie t
magnetic braking of star forming cores. Recent simulatibps

Thus it is crucial to extend these types of calculationshwit
the hope of resolving some of the above issues, by addingvine t
major pieces of missing physics — magnetic fields and thetdfe
radiation transport. This paper presents our first attemptitiress
the former in large-scale simulations. Whilst in a sensewheare
complementary, since we expect the magnetic field to havd-an e
fect primarily on larger scales (given the strong physidfiision
of the magnetic field on smaller scales), whilst radiatiogtmhibe
expected to influence the smaller scale dynamics (ie. fratgme
tion), it is clear that it is imperative to incorporate botieqes of
physics into these types of calculations.

The paper presents our first investigation of how magnetic
fields change the picture of star cluster formation paintgd b
BBBO03. The numerical method is discussed§thand the initial
conditions for the simulations are discussed3nResults are pre-
sented irg4 and discussed igb.

2 NUMERICAL METHOD
2.1 Hydrodynamics

We solve the equations of self-gravitating (magneto-) bglginam-
ics using the Smoothed Particle Hydrodynamics (SPH) metiood
recent reviews of SPH see Monaghan 2005; Price 2004). Fluid
guantities and their derivatives in SPH are evaluated ont afse
moving particles which follow the fluid motion. The long rang
gravitational force is calculated efficiently using a binaee algo-
rithm originally written by Benz et al. (1990), although stamntial
modifications have been made to the code since, both in tefms o
efficiency and as improvements to the basic algorithmsviddal
timesteps were added by Bate (1995) and sink particlesusied
below) were implemented by Bate, Bonnell & Price (1995). The
code at this stage was used for the original BBB03 calculatio
More recently (that is, post BBB03), the hydrodynamics in
the code has been thoroughly updated with state-of-th&RH
algorithms, most notably by adopting the energy and entropy
conserving variable smoothing length algorithms devedopg

Price & Bate (2007) have shown that magnetic fields can have a Springel & Hernquist (2002), Monaghan (2002) and Price & Mon

dramatic effect on circumstellar disc formation and on fnag-
tation to form binary systems (these results have since been
firmed by Hennebelle & Teyssier 2008). Tilley & Pudritz (2007
looked at the effect of the magnetic fields on the star foromagif-
ficiency in their simulations, though no clear trend was a@piain
part due to limitations of the numerical model.

Despite the apparent importance of magnetic fields to the sta
formation problem, it was therefore somewhat surprisireg the
purely hydrodynamic calculations of Bate et al. (2003) ¢adter
BBBO03) produced largely the ‘right answer’ in terms of beatge
to reproduce observed the stellar initial mass functiobpefabt low
number statistics) as well as several other observatidraabcteris-
tics such as the frequency of binary stars and stellar vgldisper-
sions. In this and subsequent calculations the initial rasstion
is built up due to the competition between dynamically iatér
ing protostars in order to accrete from the global cloud (B
Bate 2006). Thus, low mass stars are simply those which hese b
quickly ejected from multiple systems and thus have onlyatsh
accretion history (Bate et al. 2002; Bate & Bonnell 2005)eveas
higher mass stars are those which form and remain at thenbofto
deep potential wells and build up their mass through acoretver
time (Bonnell et al. 1997). However subsequent calculati®@ate
2008, in prep) have established that purely hydrodynamoutz
tions produce an excess of brown dwarfs relative to obsenat

aghan (2004b) and by the introduction of additional physidhe
form of magnetic fields (Price & Bate 2007) and radiative $fan
using the flux-limited diffusion approximation (Whiteh@ust al.
2005) (although we do not include radiative transfer in gaper).
In the variable smoothing length formulation the densitydach
particle is calculated according to

pi = Z m;Wij(h;) ©)

where the smoothing lengfh is itself a function of the density in

the form
1/3
h=n (E) )
p

wheren is a parameter determining the approximate neighbour
number (here we choosg= 1.2 corresponding to approximately

60 SPH neighbours). Thus the density summation (3) becomes a
non-linear equation for both andp which we solve iteratively as
described in Price & Monaghan (2007).

Short range gravitational forces (ie. between particlésgly
within each others smoothing spheres) are softened usingm
kernel with a softening length which is set equal to the SPH
smoothing length for that particle. We formulate the foroéen-
ing using the formalism presented recently by Price & Moragh

4)
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(2007) which ensures that momentum and energybatb con-
served even though the softening length is a spatially briguan-
tity.

2.2 Magnetohydrodynamics

The magnetohydrodynamics in the code is based on the reeent d
velopment of MHD in SPH by Price & Monaghan (2004a,b) and
Price & Monaghan (2005). For the calculations presented, leer

in Price & Bate (2007), we use the ‘Euler potentials’ forntiga

for the magnetic field such that the divergence constrasdtisfied

by construction. For more details of the Euler potentiatsniaa-
tion we refer the reader to Price & Bate (2007) and to a coraplet
description of a code similar (though not identical) to tinsetd here
given in Rosswog & Price (2007).

Use of the Euler potentials for the magnetic field evoluti®n i
a slightly more limited formulation of MHD than that presedtin
Price & Monaghan (2005) in that certain types of initial figje-
ometry cannot be represented in such a formulation (seestizm
in Rosswog & Price 2007). Whilst this does not present immedi
ate difficulties for the simulations presented in this pgséarting
with a uniform field geometry), we would, for example, not egp
dynamo processes to be well captured in the Euler poteritigls
mulation because of the helicity constraint.

Shocks in both hydrodynamics and MHD are captured via dis-
sipative terms corresponding to an artificial viscosity (dghan
1997) and for MHD, resistivity (Price & Monaghan 2004a, 2p05
with controlling parameters which are individual for eadrtzle
and evolve with time (thus reducing dissipation away fromckis)
as described in Price & Monaghan (2005) based on the original
formulation of Morris & Monaghan (1997). The formulationaf
tificial resistivity in the Euler potentials’ evolution isedcribed in
Price & Bate (2007) and Rosswog & Price (2007). For referease
in Price & Bate (2007) the magnetic force is formulated ughney
‘Morris formulation’ described in Price & Monaghan (2005hich
is both stable in the regime where the magnetic pressuresdgce
the gas pressure whilst conserving momentum sufficientlyhe
accurate simulation of shocks.

A major limitation to the simulations presented in this prel
inary work is that, at the resolution of the original BBBO3azda-
tion (which was determined by the criterion that all of thelfgdy-
namic fragmentation was resolved in the simulation), thificial
resistivity plays a dominant role in the evolution of the matic
field on small scales (that is, during the actual collapseotenf
stars). Whilst it may be argued that ideal MHD is also a poer ap
proximation for real molecular clouds, it is a wholly undesie
situation to have numerical dissipation in place of phylsiéssipa-
tion effects. Thus, for example, we are not able at this tasmi to
confidently assert that we have accurately captured theeimfkiof
the magnetic field on the fragmentation of individual coreg(as
in Price & Bate 2007). Instead we limit ourselves to a disimrssf
the influence of the magnetic field on the large scale stradtihe
cloud and details such as the initial mass function prodircéide
MHD runs should be taken with the appropriate degree of ocauti
Future calculations will be performed at a much higher netsah
in order to follow the structure of the magnetic field furti@o the
collapse.
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2.3 Equation of state

The effects of radiative transfer are approximated by adgpan
equation of state of the form:

P=K)p. (5)
where the polytropic exponentis given by
vy=1, p<10 Pgem?,
v =17/5, p>10""%g cm™>. (6)

The equation of state is isothermal at low densities {0~ 3¢
cm~3) where heating and cooling in molecular clouds balance. At
higher densities the equation of state becomes barytroiiictiae
polytropic exponent chosen to match the results of one diineal
(spherically symmetric) calculations which include th#é &ffects
of radiative transfer (Masunaga & Inutsuka 2000) (see BBB03

The net effect of the above equation of state is that collapse
proceeds unhindered until the density reaches the crifieasity,
at which point the gas begins to heat as it is compressedidsrov
ing thermal support which resists collapse. For hydrodyinaithis
critical density sets the minimum fragment mass from whibh o
jects subsequently accrete (Bate 2005).

We caution that the adoption of an equation of state of the
form (6) is based on conditions at the centre of a sphericfiy-
metric prestellar core of M. Thus this approximation may be
expected to break down in regions where spherical symmestry i
broken — most notably this may be true for fragmentation oaog
in discs. Also, the equation of state in the form (6) only defseon
the local gas density and thus does not account for the patipag
of radiation which would increase the temperature in theennalt
surrounding the protostars. Equation (6) is also a rathatecpa-
rameterisation even of the 1D Masunaga & Inutsuka (2000) cal
culations, and the effect of changes to the assumed poigtiop
dex has not been investigated. The effect of these assumsptio
the cloud fragmentation is at present uncertain and wilnately
require calculations including a self-consistent treatno# radia-
tive transfer. Fortunately such simulations, whilst natipeluding
magnetic fields, are starting to be performed (e.g. Whitebdl
Bate 2006) based on the radiative transfer algorithms dpeel by
Whitehouse, Bate & Monaghan (2005).

2.4 Sink Particles

Sink particles were introduced into SPH by Bate, Bonnell &er
(1995) to enable star formation calculations to be followegond
the point at which stars form in order to study the subseqgieb&l
cloud dynamics rather than the internal dynamics of thes stem-
selves. In the calculations described in this paper, sintighes are
allowed to form (that is, the SPH particle lying closest te tien-
sity maxima is converted into a sink particle) once the feifg
conditions are satisfied:

(i) the density exceeds.5 x 10~%g cm~* (the exact number
is somewhat arbitrary — a lower number means that some dgsami
may be missed whilst a higher number means substantial stewd
of the code whilst trying to evolve material at extremelythiten-
sities)

(i) a Jeans mass of material is contained within a kernélisad
(ie. twice the smoothing length) of the particle

(iii) the material which will form the sink has a ratio of timeal
to gravitational energyygrav < 0.5 andagrav + Bgrav < 1.0
(whereyrqv is the ratio of rotational energy to the magnitude of
the gravitational energy).
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(iv) the divergence of velocity at the particle location egative
(ie. material is collapsing)
(v) all these particles are being moved on the current tiepest

One pitfall in rigourously enforcing the above criteria st
it is possible that material within a kernel radius, thougint pf a
larger bound object, is not self-bound, unnecessarilykihgesink
particle formation. A simple method of avoiding this, adsmpin
this paper, is to revert the equation of state to isothermaka
density of10~!'g cm~2 has been reached in order to passdhe
and 3 tests and force the formation of a sink particle beyond this
density. For all practical purposes this is almost idehtcaimply
overriding tests ii) and iii) and inserting a sink particteaadensity
of 10~ ''g cm? regardless. It is important to note that this artificial
change in the equation of state has no effect on the fragti@mta
because the gas never fragments on these scales (ie. in hihree o
calculations do we get sink particles forming close to eabler).

Sink particles, once created, are subsequently allowegi@cc
all material which falls within a fixed accretion radius (s@65AU
in the calculations presented here) and is bound to the Simdet
range gravitational encounters between sink particlesaiftened
using the cubic spline kernel where in these calculationhae
used a fixed softening length @fAU for sink-sink interactions
(note that the softening length for the self-gravitating gaalways
set equal to the SPH smoothing length and thus varies aocpiali
the gas density).

Note that in these calculations, as in previous works (Bate
et al. 2003; Bate & Bonnell 2005), a sink particleoisly allowed
to form once the gas has become optically thick to radiatioth a
thus no further fragmentation is expected. Thus, providedieans
mass is sufficiently resolved, the calculations are expetdere-
solveall of the fragmentation present (that is the initial mass func-
tion is expected to be complete at the low mass end apart from
extremely hard binaries with orbital separatiGn$AU, if indeed
fragmentation is possible at such scales).

3 INITIAL CONDITIONS

3.1 Cloud properties

The initial molecular cloud is set up identically to that ciésed in
BBBO03: The cloud is initially spherical with a diameter @875
pc (77,400 AU) and contains a total of &Q; of material, uni-
formly distributed, giving an initial density gf, = 1.225x10™ g
cm? (ng, = 3.7 x 10*). The cloud free-fall time ig;; =
\/37m/(32p0G) = 1.90 x 10° yrs. Thus in observational terms this
corresponds to a small, relatively dense patch of a molecidad
(although the early evolution whilst the gas remains isottae is
scale free). Particles are placed in a uniform random Higion
cropped to the cloud radius and no particles are placediexter
the cloud, resulting in a significant expansion of the oudgets
as the collapse proceeds (this would be equivalent to therass
tion of open boundary conditions in a grid-based simulgtidihe
cloud is given an initial sound speed b4 x 10* cm/s, which
corresponds to a temperature~oflOK (the exact temperature de-
pends on the assumed value for the mean molecular weighd). Th
resultant ratio of thermal to gravitational energyyig... = 0.073.
Atotal of 3.5 million SPH particles are used in each of the cal
culations (as in BBB03). As previously mentioned, the resoh
for a cloud of this size was determined in BBB03 by the require
ment that fragmentation should be resolved according t@tte
& Burkert (1997) criterion. Given the recent improvementstte

hydrodynamic algorithm alongside the incorporation of MHD
one sense the purely hydrodynamic calculation presented(bee

§4) may be viewed as a repeat of the BBB03 calculation with a
thoroughly updated SPH method, although there are slidferdi
ences in the initial conditions (discussed below) which mieat
the hydrodynamic calculation presented here is also nopteigly
identical to the original run.

3.2 Turbulent velocity field

The cloud is imprinted with a turbulent velocity field as désed
in BBBO3 with power spectrunP(k) oc k~*. Whilst the gener-
ated velocity field (produced on a grid) is similar to thatdige
the Bate et al. (2003) calculations, a slight change in thg iwa
which the velocity field was interpolated to the particles baen
subsequently added to the code and this means that, wialstth
drodynamic evolution is very similar to the Bate et al. (2068l-
culation, it is not identical. The initial velocity field isonmalised
such that the kinetic energy is initially set equal to the/geional
potential energy of the cloud, which gives an initial Rootadvie
Square (RMS) Mach number of 6.4 and an initial RMS velocity of
1.17 x 10° cm/s.

3.3 Magnetic fields

We perform a sequence of calculations with an initially amifi
magnetic field of progressively increasing strength thireadhe
cloud. The strength is parameterised in terms of the ma#fissto
ratio expressed in units of the critical value, where we haee
formed runs using//® = oo (ie. no magnetic field), 20, 10, 5
and 3. All of the values are supercritical since given thesabs
of ambipolar diffusion in our calculations, subcriticabatds would
not be expected to collapse. We have verified that this isitdee
case by also performing a calculation at a mass-to-flux chtimity
(ie. critical) which, as expected, does not collapse to fstans (the
cloud flattens along the direction of the magnetic field budarn
goes a bounce and subsequent expansion rather than chllapse
Given the cloud dimensions and the mass-to-flux ratio, eorre
sponding physical magnetic field strengths can be detedrfore
each of the runs according to
-2
) (o) - @

)
where M /® is the mass to flux ratio in units of the critical value.
Thus a run with a critical mass-to-flux ratio would hay =
194G and for the runs with mass-to-flux ratiosaf, 20, 10, 5 and

3 the corresponding field strengths are giveray= 0,9.7, 19, 39
and65uG respectively.

The magnetic field may also be parametrised in terms of the
plasmag, the ratio of gas to magnetic pressure, according to

M 2 2 -1 R
5) ( ) ( ) (0.1875pc)'
(€
The five runs presented here thus have injtialof oo, 11, 2.8, 0.7
and0.25 respectively. Note that the magnetic pressure is dominant
over gas pressure in the cloud for mass-to-flux ratio8 which is
the case for the two strongest-field runs. Indeed we find tiestet

two runs shown far more significant differences comparecéo t
weaker field and hydrodynamic runs.

M
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M
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R
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M
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-1.4 -1.2 -1 -0.8 —-0.6 -0.4 -0.2
log column density [g/cm?]
Figure 1. Global cloud evolution, shown as column density in the clatigitervals of).2 cloud free-fall times (top to bottom) for the five runs of pregsively

increasing magnetic field strength (left to right), paraiset in terms of the mass-to-flux ratio of the cloud in unitshe critical value. Thus\//® = oo
is a hydrodynamic evolution whilst the strongest field ruddg® = 3 (that is, supercritical by a factor of 3). Note the large woéhd vertical filamentary

HugHERAa IR GRrgnegsed runs.
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The Alfvén speed in the initial cloud is given by

_ 5 M\! M \'? R e
va = L5Tx10%em/s ( S0M. 0.1875pc ’
° " )

givingva = 0, 7.8 x 10%, 1.6 x 10, 3.1 x 10* and5.2 x 10" cm/s
for the five runs. Thus, the initial turbulent motions in theud are
super-Alfvénic in all cases with Alfvénic Mach numbersxaf 15,
7.3, 3.8 and2.3 respectively.

The initial magnetic field is defined as a linear gradient i th
Euler potentials on the particles. Since the gradient ofBEhker
potentials is computed exactly to linear order (Price & B287;
Rosswog & Price 2007), the field is thus uniform everywhene (i
cluding at the free boundary). As the calculation progreske
field is naturally carried by and thus anchored to a surroyndi
medium created by the expansion of the outer layers of thelclo
(see above). This initial evolution of the field is discusgether in
§4.2 and shown for each of the simulations in Figure 4.

It is worth briefly discussing the validity of starting thel-ca
culation with an initially imposed uniform magnetic fieldnse
clearly in reality there will be a mixture of random and or-

dered components in the field of varying magnitude. However,

we also start with a uniform density cloud, so density stret
and non-uniformity in the magnetic field are both generatdti s
consistently by the initially imposed turbulent velocitelfi (as
opposed to starting with pre-existing density structurewdrich
a magnetic field is imposed). An alternative approach whac
be explored in future calculations might be to start withratilent
box containing a magnetic field which has been artificiallyetn
to a saturated state (in the absence of self-gravity), agthaven
in this case it is not clear that this would correspond anyebe¢o
reality, since molecular clouds are clearly not perioditictures
and the sudden “turning on” of self-gravity is equally qimst
able. Starting with a uniform magnetic field does howeverig®
a meaningful upper limit to the effect of the magnetic fieldtba
star formation process, since one would expect that anygetain
the field geometry (for example, using oppositely directeltl§ in
different regions or a field with a large random componentiteio
tend todecreasdahe importance of magnetic fields in the star for-
mation process, as it would be easier for the fields to reczirarel
thus dissipate (e.g. Lubow & Pringle 1996).

4 RESULTS
4.1 Global cloud evolution

The evolution of the global cloud is presented in Figure licwh
shows column density in the cloud at intervals of 0.2 cloegfall
times (top to bottom) for the five different runs in order ofrieas-
ing magnetic field strength (left to right). Thus rows copmsd to
snapshots at a fixed time with varying field strength whil$tioms
represent a time sequence at a given field strength.

The global cloud evolution at early times/{;; < 0.4) is
broadly similar in all five cases. Even#@tty; = 1.2 (bottom row
of Figure 1) the main distinguishing features of the hydraaiyic
cloud (overall cloud shape, location of dense regions) nerap-
parent down to a mass-to-flux ratio of 10. This is so because fo
mass-to-flux ratios less than 6 (%3, above), the field does not
play the dominant role in the gas dynamics of the cloud. Harev
whilst there are striking differences between the hydredlyic and
strongly magnetised cases, even in the weaker field rureseliftes
due to the magnetic field are apparent.

log column density [g/cm?]

Figure 2. Zoomed-in view comparing the outer parts of the cloud in the
strong field (//® = 3) run (bottom) to the hydrodynamic run (top) at 0.6
free-fall times. The strong magnetic field run shows filaragnstructure

in the column density aligned parallel to the field lines (ethare approxi-
mately vertical — see Figure 4).

At early times ¢/t¢s < 0.6, top three rows) there are two
main distinguishing characteristics. The first is that #eck struc-
ture produced by the initial turbulent velocity field in therde re-
gions (which appear yellow in the figure) appears smoothetess
well-defined than in the hydrodynamic case. We interprstakibe-
ing due to the additional pressure support given to the ciyuithe
magnetic field. A similar effect is observed in hydrodynacatcu-
lations when gas pressure is increased (Bate & Bonnell 200t&)
second notable difference is that the filamentary strucppears
morefilamentary in the less dense regions, particularly evident
the strongest field rum\(/® = 3) att/t;y = 0.4— 0.6 (especially
in the lower parts of the cloud in the figure). This increaskedfrfen-
tary structure, or “stripiness” is roughly aligned with fhege scale
magnetic field threading the cloud (see Figure 4). At higheldfi
strengths the field is dominant in these low density regidrtb®
cloud and thus channels the gas flow along the field lines. geclo
up view of this structure is shown in Figure 2, comparing ah en
larged portion of the strongest field run (bottom} Aty ; = 0.6 to
the same region in the hydrodynamic run (top). A similarradignt
of filamentary structure with magnetic field direction hasiee-
cently observed in maps of the Taurus molecular cloud (Gailtis
et al. 2005).

At later times ¢/ts > 0.8) there are further differences in
the global cloud evolution. The most obvious of these is ithéte
M/® = 5 and3 runs large voids are present in the cloud which are
completely absent from the hydrodynamic calculation (eam-
paring the rightmost panels of the second last and last ras w
the hydrodynamic run). These features appear as a resultgs |
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scale magnetic flux which remains threaded through the ¢libud
lustrated further in Figure 3 which shows a zoomed-in part
the cloud from the\//® = 5 run. The plot shows column density
(top panel) together with a plot of the column-integratedyneic
pressure and a map of the integrated magnetic field withgttien
and direction given by the arrows (bottom panel). The sisgi&
particle which has formed at this point in this simulatiorsig®wn

in black. Clearly visible is a large void structure to the ieutrate
left of the sink, extending to the upper left and diagonadiythie
bottom right in the figure. The lower plot, showing the intzgd
magnetic pressure, appears almost as an inverse of the nab pa
— that is, the column density is low where the magnetic pressu
is high. Furthermore the magnetic field direction closed¢és the
void structure visible in the column density plot.

The void is created by material which slides down the mag-

netic field lines, creating an evacuated region which is lenthbbe
refilled by material perpendicular to the field lines. Sirloe thag-
netic flux does not change but the gas pressure decreases; the
sult is a region where the magnetic pressure is dominant aichw
prevents material on either side of it from coalescing tofdense
structures. The magnetic pressure increase in the lowier piart
of Figure 3 is driven further by a “sandwich” compressionwbt
dense filaments perpendicular to the field lines (visiblevalkend
below the void in the top panel), which squeezes the magfiekit
lines and thus increases the magnetic pressure (essentrll
the magnetic pressure balances the ram pressure of therisine
whilst increasing the density proportional only to the olmeh-
sional change in volume. Thus the key to magnetic pressurg-do
nated void creation is a turbulent velocity field which candurce
one and two dimensional compressions rather than the gotro
compression produced by gravitational forces.

The ability of the magnetic field to support parts of the cloud
against collapse has significant implications for the stamftion
rate in the cloud as a whole (and presumably also the oveaeall s
formation efficiency) and is discussed furthegh5.

Finally, a delay in the onset and vigour of star formation is
apparent even in this global view#tt s ; = 1.2 since stars which
have been ejected from their parental envelopes are alrésitile
in the hydrodynamic cloud at this time whilst none are visiblthe
runs which include a magnetic field. The star formation segee
in each case is discussed furthegh3, below.

4.2 Magnetic field evolution

The magnetic field in each of the magnetised rung/¢ =
20, 10, 5 and3) is shown in Figure 4 at intervals 6f4 cloud free-
fall times (left to right). In these plots we show streaméired the
magnetic field direction (column integrated) in the cloudgntaid
on a column-integrated map of the magnetic pressure in thelcl
normalised in each case relative to the initial magneticqree.
Thus the colour scale illustrates the relative compressiitime field
in each case.

In the weaker field runsi//® = 20 and 10, top two rows)
the magnetic field is strongly compressed both by the shaeks r
sulting from the initial turbulent velocity field (most vide at
t/tys = 0.4) and subsequently by the gravitational contraction of
the cloud ¢/t;; = 0.8, right panels), also resulting in strong dis-
tortions of the initially straight magnetic field lines. Hewer even
in the weak field cases, whilst the field is significantly dittd by
the collapse, the large scale geometry of the field remaipsmted
into the cloud by the collapse and the net flux threading tbad!
remains apparent even at late times. In fact the large statdise
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t/t;=1.05

log column density [g/cm?]

1000 AU

9.5

log f B2/2 dz [cm]

8.5

Figure 3. Close up view of the void structure in the//® = 5 run at
t/tyy = 1.05, showing column density in the cloud (top) and a rendered
plot of the integrated magnetic pressure with overlaidwsrimdicating the
direction and magnitude of the integrated magnetic fielde [Bver panel

is almost an exact inverse of the upper panel, indicatingttteamagnetic
field is providing the dominant source of pressure in thisareg

of the field in the outer regions of the cloud is altered vettyelias
star formation proceeds in the dense central regions.

The relative compression of the field decreases as the field
strength increases (ie. comparing snapshots within thes sar
umn) and in the stronger field rundf/® = 5 and3, bottom two
rows) the field geometry remains largely uniform as the psia
proceeds, with only a relatively small compression of theynedic
field. In these cases the magnetic field is able to impart fsogmit
directionality to the gas motions — particularly in the ausarts of
the cloud, by channelling material along magnetic fielddiihe
effects of which are clearly visible in the column densitgtplfor
these runs shown in Figure 1). The anisotropy of turbulertians
in the presence of a magnetic field is a clear prediction of MHD
turbulence theory (e.g. Goldreich & Sridhar 1995). Thi®déads
to the tantalising possibility that it may be possible t@irdnd thus
map both magnetic field strength and direction in molecutzwds
by measuring anisotropy in interferometric velocity magsstuto
et al. 2003).

Finally, Figure 4 also illustrates how the boundary cooditi
on the magnetic field is treated in the calculations (disedisdove
in §3.3). Initially (left panels) the field is defined only on tharp
ticles but remains uniform at the boundary because the gmnadi
the Euler potentials is computed exactly to linear ordeardigss
of the particle distribution. By/t;s = 0.4 (second panel), the
outer layers of the cloud have expanded and thus providetan ex
nal medium into which the magnetic field remains anchoredtet |
times.
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t/t=0 t/t=0.4 t/t4=0.8 t/te=1.2
\ | | [{{ [ / | \ / I | (f / (

log J B?/2 dz [cm] log J B%/2 dz [cm] log J B?/2 dz [em]

log J B?/2 dz [cm]

Figure 4. Evolution of the magnetic field in each of the magnetised (Udg® = 20, 10, 5 and3, top to bottom) shown at intervals of 0.4 cloud free-fall
times (left to right). Plots show streamlines of the intégdamagnetic field direction overlaid on a colour map of thiiem-integrated magnetic pressure,
normalised in each case relative to the initial magneticquee (see colour bars). The weaker field runs (top two rol®) strong compression of the
magnetic field by the gas, whilst in the stronger field caseti@n two rows) the field is very effective at providing suppto the outer regions of the cloud
where the column density maps show anisotropic structuialpkto the field lines (Figure 1).

4.3 Star formation sequence limit on the degree of star formation expected in ideal MHE du
to the high numerical resistivity present on small scalé#hdagh
this may not be completely unrepresentative since we haeena-
glected physical diffusion processes such as ambipolarsitii).
Nonetheless, the figures serve to starkly illustrate hoveffext of
the magnetic field on large scales can have a significant mflue
on both the degree and manner of star formation which ocaours i
the cloud.

The star formation sequence in each of the five runs is pregent
in Figures 5 and 6 although it is best appreciated by viewimg a
imations of each simulatidn The figures show snapshots on a
zoomed-in portion of the cloud (dimensioh$56 x 5156AU and

7219 x 7219AU in Figures 5 and 6 respectively) at intervals of
0.032 free-fall times throughout the evolution. We againtice

that the results in the MHD cases should be taken as an upper

L http://iwww.astro.ex.ac.uk/people/dprice/researchister/
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re

t/t=1.13

=ik

—_—

1000 AU

-0.5 0.5 1 1.5
log column density [g/cm?]
Figure 5. Close up view of the star formation sequence in each of then§, ishown at intervals of 0.032 cloud free-fall times (tofbtdtom, continued in
Figure 6) and in order of increasing magnetic field strentgfi {o right). Whilst the hydrodynamic run collapses inglrmain regions which subsequently

merge, the magnetised runs show delayed collapse in sontleobtrese regions, leading to more quiescent dynamics aralraost complete suppression of
star formation in the\//® = 3 case.
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t/t;=1.26  M/d=oo

—_

1000 AU

1 1.5
log column density [g/cm?]

Figure 6. As in Figure 5 but showing the later time evolutiai; ; > 1.26) in a slightly wider view (dimension219 x 7219AU). The hydrodynamic and
M /® = 20 runs both contain massive disc fragmentation which is @éelay the)M/ /® = 10 run and completely absent from tié/® = 5 andM /P = 3
runs which show a much more subdued star formation sequewiciaer violent ejections.

4.3.1 Hydrodynamic run panel accrete gas rapidly to reach masses of ardéurahd0.3 M.
The accretion flow forms massive discs around each of thasg, st

In the hydrodynamic case (leftmost column), star formatioti- both of which subsequently fragment to give a triple and quiale

ates in three dense cores (two of which are shown irtthey = (double binary) system, respectively, from each of which oass

1.1 panel, the other collapses to the top left of this figure anisis members are ejected (though some “dance” around the cothbine
ible att/ts; = 1.17). The two protostars shown in thét s = 1.1
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potential of the two systems before being subsequentlytezgjic
The two systems (initially separated by 2000 AU) fall towards
each other on elliptical orbits and eject several protsstreach
of two periastron passages (seen at closest approach iratte p
shown att/tys = 1.13) before the two systems enter a more cir-
cular orbit around each other (see panel/a; = 1.2). The dy-
namics is then dominated by this “binary” system (that ishwivo
main concentrations of mass orbiting each other) surradibhgtea
circum“binary” accretion flow. One of the stars in one halftioé
binary system briefly forms a circumstellar dig¢ & 125AU) be-
fore it is destroyed by dynamical interactions with low mats's
in the process of being ejected from the system.

The system receives a strong perturbation when the thifteof t
first three dense cores (visible in the upper left oftfg; = 1.2
panel falling towards the binary system), together with dsc
which forms around it during the infall, crashes through rtein
system rather like a cannonball and ejects two protostasjec-
tacular “billiard-ball” style encounter. Thus, gttr = 1.26 (first
panel in Figure 6) the dynamics transitions from mostly a-bedy
system (plus perturbations from multiple lower mass mes)kter
a “triple” system (ie. three interacting dense cores) surded by
a large and massive circum-triple disc which fragments imtd-
tiple single and binary systems (subsequent panels in €&igur
t/tyr > 1.33).

432 M/® =20

At early times ¢/t < 0.6) the highly supercritical run//® =

20) evolves almost identically to the hydrodynamic case (Fig-
ure 1, second column), though the filamentary structure appe
marginally smoother because of the increased pressur&prbloy
the (albeit weak) magnetic field. The slight additional ptes pro-
vided by the magnetic field also changes the initial star &diom
sequence, as two of the three dense cores form slightly tlader

in the hydrodynamic case. More importantly the third coresdo
not collapse#/ty; = 1.1 — 1.17 in Figure 5, second column) un-
til just before it has merged into the main concentration akm
This slight change in the star formation sequence has a dama
effect on the results, since instead of separate multiptterys
forming (as in the hydrodynamic case), in this case the doare
streams coalesce into one very massive disc which subsiguen
fragments (Figure &/t = 1.26 onwards) and undergoes rapid
and vigourous star formation ft; = 1.26 — 1.39 in Figure 6).
Though we caution that such disc fragmentation may be afactrti
of the barytropic equation of state employed in the calouhat(see
discussion ir§2.3), the difference between this run and the hydro-
dynamic case serves to illustrate the chaotic nature ofitenb star
formation, in that even the introduction of a weak magnettdfi
can produce a dramatic difference in the results.

433 M/® =10

The star formation sequence in thé/® = 10 run differs further
from the hydrodynamic case. Aft;; = 1.17 in this run (cen-
tral panel of Figure 5) only the densest of the three initaaks in
the hydrodynamic run has collapsed, though the core visibilee
upper left of the main star formation att;; = 1.17 in the hy-
drodynamic case can be seen to form, though lajer ¢ = 1.23,

centre panel of last row in Figure 5) and at a much greateamtist
from the densest region. The core which forms to the uppét iig
the hydrodynamic case is completely suppressed idfi& = 10

© 2007 RAS, MNRASDOQ, 1-16
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run until aroundt /¢y = 1.29 (visible forming in the centre panel
of the top two rows in Figure 6). As a result the subsequernt dis
in the core of the cluster (which fragments spectacularlyhia
M/® = 20 run) is at earlier times much less massive and forms
only an accreting binary systerty¢;; = 1.29 in Figure 6), though
the mass accretion onto this system at later timgs;¢ > 1.33,
centre panel of last three rows in Figure 6) causes furtlhgnfien-
tation.

434 M/®=5

The star formation sequence in thé/® = 5 run (Figure 5, fourth
column) is almost unrecognisable compared to the hydradia
case. The first fragmentation occurs in this case in a disctwhi
appears edge-on in Figure b/{;; = 1.1 panel) — that is, per-
pendicular to the global magnetic field direction. WhilsstHisc
fragments to form a multiple system from which a brown dwarf
is ejected, the subsequent accretion and thus star formadizurs

at a dramatically reduced level in this run. Thus whilstdesthe
dense core there are still violent interactions betweens dfze core
itself is generally starved of new material by the lower ation
rate and is unable to form any more than a handful of star@,Als
without the dramatic encounters with protostars formedreatgr
distances, the ejection of low mass protostars is much fésteat.
Anincrease in star formation activity occurstgty; > 1.33 as the
severely delayed collapse of the upper left core occurau(Eig).
The role of the magnetic field in suppressing accretion from t
cloud is quantified and discussed further below.

435 M/® =3

In the M /® = 3 run the collapse is strongly channelled along the
magnetic field lines (Figures 1 and 4) and there is relatilittg
compression of the global magnetic field by the gas (FigurS#y
formation in the cloud (Figure 5, rightmost column) is styynsup-
pressed —only a single, isolated core has collapsediy = 1.23
(last panel in Figure 5). It is not untl/ts; = 1.29 (Figure 6) that

a second core collapses and even then the two remain spatll
lated until around /¢y = 1.39 (last panel of Figure 6). The man-
ner in which star formation proceeds in the cloud is complete
different from both the hydrodynamic, weak field, and evea th
M/® = 5 case. Features are visible in the column density which
are clearly not gravitational in origin (for example ther&stmer”
visible att/t;¢ > 1.29 in Figure 6).

4.4 Initial mass functions

The initial mass function (IMF) evaluated in each of the rigms
shown in Figure 7, in order of increasing magnetic field sitbn
(left to right, top to bottom), in each case evaluated at lobic
free-fall times. The dark hatched portion of the histogradidates
the stars that have ceased accreting from the global cloudtte
light hatched portion indicates those stars that are stilteting at
t/tys = 1.5. For comparison the slope of the Salpeter (1955) IMF
is plotted (purple line) as well as the IMFs covering the seiler
population determined by Chabrier (2003) and Kroupa (2001)
Whilst the low number of stars and brown dwarfs formed over-
allin the simulations precludes a detailed evaluation efffiect of
magnetic fields on the IMF, there is a hint of some generalisen
The first is in the overall normalisation — that is, comparting to-
tal number of objects formed in each case. For example, congpa
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Figure 7. Initial mass functions at 1.5 free fall times for each of the fiuns, in order of increasing magnetic field strength (tefight, top to bottom) and

the cumulative fractional number of stars as a function a$sria all four cases (bottom right panel)

solid), M /® = 20 (red,

with lines coroesfing to the hydrodynamic run (black,

3 (magenta, dot-dashed). The vertical dashed line

dotted) M /® = 10 (green, dashed}y//® = 5 (blue, long-dashed) antlf /&

in each case indicates the characteristic mass in the hyciogic run.

runs of varying field strength. Whilst we caution that theistis

3) in Figure 7 (left panel, bottom

the strongest field runi(/®

are low, the general direction is a trend towards fewer lovesna

objects with increasing field strength. This is better illatged by
looking at cruder statistics such as the ratio of stars tvbrwarfs

row) to the hydrodynamic and weak fieldf/ ® = 20) cases (top
row) it is clear that fewer objects are formed overall in thersg

field case.

cally dominated runs, we find roughly equal numbers of stacs a

we see that in the hydrodynamic and weak field runs there tends
of stars, by as much as a factor of 3. In contrast, in the magnet

A further question, and one which can on|y be tentative|y formed in each of the simulations, given in Table 1. From #imeet
whether or not magnetic fields have an influence on the shape ofbe an excess in the number of brown dwarfs relative to the eumb

the IMF. The lower right panel in Figure 7 shows the cumutativ
fractional number of stars as a function of mass for each @bth

approached given the limitations of the present simulatios
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M/<I> NBDs Nstars ratio
[e%S) 44 14 3.14
20 51 18 2.83
10 22 11 2.0

5 15 14 1.07
3 8 7 1.14

Table 1. Ratio of brown dwarfs to stars formed in each of the runs. g¢hil
there are at present only low number statistics for both {adions, there is
some indication of a trend towards fewer brown dwarfs negato stars in
the presence of strong magnetic fields.

brown dwarfs. We attribute this to the suppression of atmmeh
the stronger field runs, leading to fewer protostars, fewaadical
interactions and thus fewer ejections of low mass objects.

4.5 Star formation rate

The effect of the magnetic field in suppressing accretiomftbe
global cloud onto the star forming cores is quantified in Fég8,
which shows the total mass in stars (that is, the total maah gés
accreted onto sink particles) as a function of time in unitBee-
fall times for the 5 runs which form stars (ie. upAé/® = 3, with

runs indicated by the legend). It is clearly apparent frois figure
that the mass accretion rate strongly anti-correlates mknetic
field strength. Even with a very weak magnetic fiel (O = 20),

the accretion rate is clearly lower than the hydrodynamgeaap
until the disc fragmentation which occurs at arourid;; = 1.3

(Figure 5).

In the M /® = 10 case the accretion rate at early times (up to
~ t/tyy = 1.35) is around half of that in the hydrodynamic run —
M ~ 8.5Mg, /t;; compared taVlsr,q ~ 16 Mg, /t ;5. The strong-
field runs (M /® = 5 and M /® = 3) both show very low initial
accretion rated/ ~ 3—4Mg, /t ;5. The difference between the two
is that the accretion rate in tg/® = 5 run increases dramatically
at aroundt/tyy = 1.25 as two relatively distant regions of the
cloud undergo gravitational collapse (further out thanrdmgions
shown in Figure 5), whereas this does not occur inMgd = 3
run. In fact the accretion rate betweeft;; = 1.25 — 1.46 in
the M/® = 5 run, M ~ 14Mg /tsy, is only slightly lower than
the average hydrodynamic rate. However the low initial aaterl
accretion rates mean that byt s = 1.5 there is around half of the
mass in stars in th//® = 5 run compared to the hydrodynamic
case & 4Mg compared to~ 8Mg, or a 50% reduction). In the
very strong field run the effect is even more dramatic thy ; =
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Figure 8. Effect of the magnetic field on the star formation rate in eatch
the 5 runs. The plot shows the total mass accreted onto sitiklpa as a
function of time in each of the calculations. A clear trendigble in which
the accretion from the cloud is increasingly suppressedeasiagnetic field
strength increases. The strongest field rufy (b = 3) shows &5% reduc-
tion in the total mass accreted onto star¢/at; ; = 1.5 compared to the
hydrodynamic case.

Me>107""g/cm?) [Mo]
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Figure 9. Mass above a particular density in the cloud as a functioneeff
fall time for the 5 runs (lines as indicated in the legendpveing the results
for density values ofl0—~7g/cn? (top panel) andlo—®g/cn? (bottom

panel). Again a clear trend is apparent towards lower mdak rates with

increasing magnetic field strength.

5 DISCUSSION

We have performed a study of how magnetic fields affect thgelar

1.5 there is only around one quarter of the mass in stars comparedscale collapse of turbulent molecular clouds to form stastelrs,

to the hydrodynamic case«(2M» compared tov 8, or a 75%
reduction in the mass converted to stars).
As an illustration of the effect of magnetic fields in prevent

computing a range of models with mass-to-flux ratios rangiog
highly to moderately supercritical (with a correspondiagge in
the ratio of gas to magnetic pressufd, Whilst even the weakest

ing lower density gas from collapsing (and thus the effect on field runs show differences when compared to the hydrodymami
larger scales) as suggested by Krumholz & Tan (2007) we plot case (e.g. lower accretion rates, different star formagamuences),

the mass above a particular density in the cloud as a funcfion
time in Figure 9. The plot show/ (> p) for density values of
p = 107" g/cn? (top panel) ang = 10~ **g/cnt® (bottom panel).
A similar trend towards lower mass infall rates with inciegs
magnetic field strength is also visible in these plots.
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strong differences in the gas dynamics were found to be prése
the runs where the magnetic pressure dominates the gasifgess
(ie. 8 < 1), in the form of magnetically-supported voids, column
density striations due to anisotropic turbulent motiond aruch
lower accretion rates from the global cloud. The implicatiof



14 Price & Bate

these results for both observations of star-forming mdé&alouds
and for our theoretical understanding of star cluster faoioneare
discussed below.

5.1 Relevance to observations

Zeeman measurements of magnetic fields in molecular clouds .

(Crutcher 1999; Bourke et al. 2001) suggest typical fieldregths

of B ~ 10uG (and generallyB < 30uG) for regions with

T ~ 10K, mass-to-flux ratios which are supercritical by a factor
of ~ 2 — 3, marginally (or perhaps firmly, see Padoan et al. 2004)
super-Alfvénic turbulent velocities an@ ~ 0.03 — 0.6 (similar
values for3 and the ratio of turbulent to Alfvénic velocities are
also inferred by Heiles & Troland 2005 in the wider Cold Neaiitr
Medium). The inference therefore is that the most realistiour
calculations are actually the two strongest field ruvs'® = 3 and
M/® = 5). Given that this is the case, we should expect ikt
of the magnetically-driven features observed in these Igitions

to also be present in observed molecular clouds.

Recent first results from a large-scale mapping project ®f th
Taurus molecular cloud complex by Goldsmith et al. (200ppre
“ring, arc and bubble-like features” and “striated struetu cor-
related with the magnetic field direction” ifCO maps. In fact
almost the whole of the low density material in Taurus in tlds
smith et al. (2005) map appears striated parallel to theajjimiag-
netic field threading the cloud as mapped from polarizati@am
surements, as was found to occur in the simulations in the low
density outer regions of the clouds. This is suggestive afva |
plasmag in these regions, since we only find striated structure in
the two strongest field simulations with < 1 (and most promi-
nently in theM/® = 3 case whergs = 0.3). This is in broad
agreement with the polarisation measurements of Crutdig99)
giving lower limits of 3 2 0.06 for regions within Taurus.

One of the most striking features of the magnetised collapse
simulations is the appearance of large-scale magnetgspre sup-

ported voids produced by the large scale magnetic flux tubes

threading the cloud. In these regions the integrated magpieds-
sure appears to anti-correlate with the column density @ttbud
(Figure 3). Turning again to the observations of Taurusgd&mwith

et al. (2005) report a “very interesting feature”&B30™ + 254¢¢
which “appears as a hole”, where it appears that “some agent h
been responsible for dispersing the molecular gas”. Weqa®that
this may be a magnetic-pressure driven feature. The lacklafp
ization measurements from this region and the orientatfothe
“hole” suggests that the magnetic field should be alignedl(esr
to the line of sight and would therefore be best detectahiegus
Faraday rotation measurements. Whilst very few such obtens
exist, the measurements of Wolleben & Reich (2004) give some
hint of increased emission in this regions (suggesting d figlich

is parallel to the line of sight), though somewhat ambighodhus
further observations are necessary to confirm this picture.

5.2 Relevance to theory

One of the primary effects of magnetic fields in the simulagio
is that, even at field strengths which do not prevent collafise
field can have a significant influence on the star formatioa irat
the cloud. For example overall we find that, after 1.5 clowab{r
fall times, only 4% of the gas has been converted into stars fo
marginally supercritical collapsé\{/® = 3) compared with 16%
in the hydrodynamic case. Similar effects of the magnetid i

the star formation rate have been found in MHD calculatidrstar
formation in the presence of driven turbulence Vazquen&ieni

et al. (2005). In part this can be attributed to the simple that
the magnetic field adds an extra source of pressure supptré to
cloud. Thus we would expect that in the present context itldvou
be possible to similarly decrease the star formation ratéopyex-
ample, simply scaling up the turbulent velocity field or bgrieas-
ing the temperature of the cloud. However we would also expec
the change in the cloud geometry to be rather different utidese
circumstances, since the magnetic field preferentiallypsttp ma-
terial perpendicular to field lines. The degree to which phessure
support is anisotropic depends on the ratio of gas-to-magpes-
sure,3 — for example a weak field will be much more readily tan-
gled and thus exert a more isotropic pressure, whereas ragstro
field will exert a pressure that has a much stronger deperdamc
the initial field geometry. Furthermore we would not expedind
any of the magnetically driven cloud structures, such adfithe
ments in the cloud envelope aligned with the global fielddiosn
and magnetically supported voids. Price & Bate (2007) fotinad
the degree to which the magnetic field can be replaced by an-equ
alent increase in thermal pressure is strongly dependethiedield
geometry.

The net result of the lower star formation rate in the magne-
tised runs is also a decrease in the importance of violeatant
tions, leading to fewer ejections and therefore also a t(draligh
tentative) towards more massive stars being formed (iatively
fewer brown dwarfs). Such a trend might have important io#pli
tions for the variation in the IMF in different environmer(es.g.
Kroupa 2001) and as a function of galaxy evolution. In thealoc
environment the IMF appears to have a universal shape (sit lea
within the observational uncertainties), although thisyrba be-
cause there is also remarkable uniformity in the inferregllef
magnetic field support in observations of local star fororatie-
gions (Crutcher 1999) (namely that, as discussed above, staos
forming cores appear to be marginally supercritical witlpesu
Alfvénic velocity dispersions and ~ 0.1).

5.3 Limitations and future directions

Perhaps the most significant limitation of the calculatipresented
in this paper is that, at the resolution employed, we werahlz to
study the effect of magnetic fields on the small scale fragatim
of cores, which may be important with respect to the fornmatid
circumstellar discs (Price & Bate 2007) and in affectingyfreen-
tation to form binary systems (Machida et al. 2005; Price &Ba
2007; Hennebelle & Teyssier 2008; Machida et al. 2007). Atesl
question which would be interesting to examine is how or Wwaet
the global magnetic field affects the frequency and/or gtteof
jets and outflows in molecular clouds (e.g. Matsumoto & Tetkis
2004; Banerjee & Pudritz 2006).

Whilst increasing the numerical resolution will improveeth
resolution of the small scale magnetohydrodynamics, treenst
strong motivation to do so as the small scale dynamics isaflso
fected by other physical processes which have not been faddel
in the present calculations. The most important of thes¢haref-
fects of radiative transfer (ie. replacing the barytropjciaion of
state) and physical diffusion in the magnetic field due to-mtzal
MHD.

As mentioned ir§2.3, we expect from preliminary simulations
which incorporate a self-consistent treatment of radéatiansfer
(in the flux-limited diffusion approximation) rather thanbary-
tropic equation of state (Whitehouse & Bate 2006) that atfakt-
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ment will affect fragmentation where the assumption of sighé
symmetry is poor and in the region surrounding a collapsorg ¢
where the temperature can increase because of the prapagéti
radiation from the high temperature central condensatitm the
lower density gas (a process not captured by a barytropiatiou
of state where temperature is proportional to density) s€ligsues
in particular may be important for fragmentation in dischjah, it
should be noted is the prime source of much of the star foonati
activity in the hydrodynamic and very weak-fieldf(/® = 20)
calculations presented here. It is therefore crucial tatifyathe
degree to which this fragmentation is physical by perfogrial-
culations which explicitly evolve the radiation field.

Secondly, whilst flux-freezing is thought to be a good ap-
proximation for molecular cloud dynamics on large scales)-n
ideal MHD effects including ambipolar (ion-neutral) digien (e.qg.
Mouschovias & Paleologou 1981; Shu et al. 1987), the efffit o
nite conductivity and the Hall effect are all important atreolevel
on smaller scales (e.g. Wardle & Ng 1999). This in particalpr
plies to the process of core fragmentation (though Oishi &Ma
Low 2006 suggest that ambipolar diffusion is unable to sétaa-c
acteristic mass scale in a turbulent flow because of the rogeti
propagation of compressive slow MHD waves below the ambipo-
lar diffusion scale). It has also been suggested that arfeigdfu-
sion rates may be enhanced in turbulent flow (Heitsch et &420
Li & Nakamura 2004) and therefore that ion-neutral diffusioay
be important also in the earlier stages of collapse. Thugsifhper-
ative that the calculations should be extended to includeideal
MHD effects in order to quantify these effects in the presahtu-
lations (for example Hosking & Whitworth (2004) have alrgaa-
plemented a two-fluid scheme for treating ion-neutral diffn in
an SPH context which could be used in future calculatiortsidys
ing physical diffusion processes also requires that theeamioal
diffusion (e.g. due to the artificial resistivity introdute order to
capture shocks) be reduced to a level below the physicalsitif
scale, leading to a much more stringent criterion for fudlgalved
MHD simulations (of which those presented here aod com-
pared to purely hydrodynamic runs (where it is sufficieniesolve
the Jean’s length in order to capture the fragmentatiorekcal
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