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QUESTIONS

➤Star formation: slow or fast? 
➤Planet formation: slow or fast?
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STAR FORMATION IN NEARBY MOLECULAR CLOUDS

pre-main-sequence stars divided by the mass of dense gas, and
we obtain a SFE equal to 1.2%. These low values confirm that
Taurus is a region of relatively low star formation efficiency.

Since star formation is an ongoing process in Taurus, the SFE
as defined will evolve with time. A more meaningful quantity is
the star formation rate per unit molecular gas mass. The star for-
mation history of Taurus is a topic of some controversy (cf. Palla
& Stahler 2000, 2002;Hartmann et al. 2001), particularly the ques-
tion of whether the star formation rate is currently accelerating or
has already reached a peak and is declining. Nevertheless, there
does seem to be agreement that star formation has been rapid.
Star formation in Taurus began over 10 Myr ago, but most of the
identified pre-main-sequence stars have formed in the past 3Myr
(Palla & Stahler 2002). The average star formation rate over the
past 3 Myr within the region of Taurus included in this study has
been ’8 ; 10!5 stars yr!1.

Assuming as before an average mass of 0.6 M", we derive a
star formation rate of 5 ; 10!5 M" yr!1. Thus, the star formation
rate per unit molecular gas mass is approximately 2 ; 10!9 M"
per year per solar mass of molecular gas. If this rate were to con-
tinue, the gas consumption timescale would be over 400 Myr.
However, most of the dense gas is likely to be dispersed by the

winds from the newly forming stars long before a significant frac-
tion of the cloud mass is converted into stars. It is intriguing that
the star formation rate per unit molecular gas mass in Taurus is
very similar to that found globally in the MilkyWay (assuming a
total molecular mass of 2 ; 109 M" and a star formation rate of
3 M" yr!1).

7. MORPHOLOGY OF THE MOLECULAR GAS

7.1. General Structure of the Gas

7.2. Regions of Interest

In this section we discuss several of the regions of particular
interest that stand out in the carbonmonoxide emission fromTaurus.
These are to some degree reflections of the complex structure seen
on a large scale, but highlight some of the varied structures that
can easily be identified. The present discussion is by no means
complete, but does illustrate the varied and complex structures
found in this region, where only low-mass star formation is taking
place. These are grouped together by location within the cloud so
that they can be highlighted by detailed images, but this does
not necessarily reflect any physical relationship between different
features.

Fig. 14.—Locations of young stars in Taurus superimposed on map of the H2 column density. The stellar positions are from Kenyon (2008). The diamonds indicate
diffuse or extended sources (of which there are 44 in the region mapped), the squares indicate Class I or younger stars (18), and the asterisks indicate T Tauri stars (168). It is
evident that the diffuse and younger sources are almost without exception coincident with regions of relatively large column density, while the older stars show a much
larger probability of being found in regions of lower column density.
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Taurus Molecular Cloud 
Distance: 140pc 

Mass: 2.4 x 104 M☉

Goldsmith et al. (2008)
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uniform sphere and 3 for the isothermal sheet. Evaluating
the constants leads toA'

M
B

n
\ 2 ] 1020 Blos

N(H2)
cm2 kG (sphere) (9)

\ 4 ] 1020 Blos
N(H2)

cm2 kG (sheet) . (10)

The values of for the di†erent geometries con-('/M)
nsidered above are given in Table 3. In this table we also

include the data for B and N compiled by Crutcher (1999)
and recent Zeeman results from Sarma et al. (2000 ; NGC
6334) and Crutcher & Troland (2000 ; L1544). Therefore, we
believe Table 3 gives the most complete summary available
of Zeeman measurements in extended molecular clouds
(excluding small-scale OH maser emission). In column (1) is
the source name, columns (2) and (3) give the line-of-sight
Ðeld strength and its log, and column (4) lists the log ofBlosthe molecular hydrogen column density. Column (5) lists
the values of assuming an initially uniform sphere.('/M)

nColumn (6) lists the values of assuming a sheetlike('/M)
ngeometry. The values in Table 3 are shown graphically in

Figure 6. In this Ðgure are plotted the measured Ðeld
strength against the molecular hydrogen columnBlosdensity and overlaid with loci of for theN(H2) ('/M)

nuniform sphere model (Fig. 6a) and the sheetlike model (Fig.
6b).

Considering the values listed in Table 3 and plotted in
Figure 6, the results for the spherical parent cloud model
are consistent with the clouds being slightly magnetically
supercritical the same result as found by[('/M)

n
\ 1],

Crutcher (1999), who considered only the detections he
tabulated. The addition of our large number of upper limit
measurements to his sample strongly reinforces this result.
As noted by Crutcher (1999), assuming an initially uniform
spherical cloud with a uniform magnetic Ðeld may be an
oversimpliÐcation. In particular, if clouds are supported
primarily by static magnetic Ðelds with uniform direction,
they will become Ñattened as matter Ñows inward along
Ðeld lines, and the Ðeld will become pinched along the direc-
tion perpendicular to the initial Ðeld direction. Therefore,
the results for the sheetlike cloud may be more realistic.
Considering only those clouds where the Zeeman e†ect was
detected, Table 3 shows that the results for this geometry
are consistent with and the clouds are in('/M)

n
B 1,

approximate equilibrium between magnetic pressure and
gravity, the same result found by Shu et al. (1999), although
they did not distinguish between the detections and the
upper limits. Because of the statistical corrections applied to
B and N and the uncertainties in measuring N, a more
deÐnitive conclusion cannot be reached at present.

If we assume for the clouds where the Zeeman e†ect was
not detected that the true magnetic Ðeld strengths are equal
to the 3 pupper limit values (listed in Table 3), then for the
sheetlike model the mean Ñux-to-mass ratio is S('/M)

n
T\

1.3 ^ 0.9 B 1 (excluding G20.8 [0.1 and G29.9]0.0, as the
sensitivity of these observations is signiÐcantly less than the
other data), the same results as for the detections. If the
magnetic Ðeld within the beam is uniform, the true values
are not likely to be greater than 3 pfor any of the clouds.
On Figure 6 we also indicate the 1 plimits for the nonde-
tections. Assuming a uniform Ðeld, if the true Ðeld strengths
are closer to the 1 plimits than to the 3 plimits, then for the

FIG. 6.ÈMagnetic Ðeld strength plotted against column densityBlosfor the sources observed in this paper (squares) and for previouslyN(H2)
published results (circles ; Crutcher 1999 ; Sarma et al. 2000 ; Crutcher &
Troland 2000). The large symbols represent detections of the Zeeman
e†ect, while the small symbols represent 3 pupper limits. The lines drawn
down from the upper limits represent the shift of the 3 pupper limits to the
1 plimits for each source. In (a) are shown the loci for di†erent values of the
magnetic ÑuxÈtoÈmass ratio, assuming an initial conÐguration of a
uniform density sphere, as described in Crutcher (1999). The values have
been normalized to the critical value, so that values greater than 1 are
subcritical, and less than 1 are supercritical. In (b) are shown loci assuming
an inÐnite sheet geometry (““ highly Ñattened molecular cloud ÏÏ), like that
discussed in Shu et al. (1999).

sheetlike model the mean Ñux-to-mass ratio is S('/M)
n
T\

0.4 ^ 0.3, signiÐcantly lower than the critical value, which
implies that in general the clouds are magnetically super-
critical by a factor of 2È3. As discussed below, Ðeld structure
within the beam could reduce the Ñux-to-mass ratio by a
factor of 3È4 over its true value. However, beam dilution
will also result in measurements of the column density
lower than the true value for the gas in which the magnetic
Ðeld is studied, which will increase the Ñux-to-mass ratio.

It is important to note that a number of the sources
located at the upper end of Figure 6 are[log N(H2) [ 22.6]
due to high angular resolution VLA Zeeman observations.
In almost all of these cases the initial detection of the
Zeeman e†ect was made with low angular resolution single-
dish observations. Consequently, weaker Ðeld strengths by
a factor of D3È4 were reported, compared to the sub-
sequent higher angular resolution observations that reveal
the Ðeld structure. Therefore, there is an inconsistency
between the lower and upper ends of Figure 6, as the lower
end contains many upper-limit values from low angular
resolution observations, and the upper end contains many
clouds where the Zeeman e†ect has been detected in higher

e.g. Crutcher (1999, 2012), Bourke et al. (2001), 
Heiles & Crutcher (2005), Crutcher et al. (2010)

Critical mass to flux ratio to 
prevent gravitational collapse

Field strengths too small 
to prevent collapse!

Lots of other arguments 
against slow star formation 
(see review by Mac Low & 

Klessen 2004)



TURBULENCE AND MAGNETIC FIELDS

Motions aligned 
with magnetic field 
(Heyer et al. 2008)

Goldsmith et al. (2008)
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TURBULENCE-CONTROLLED STAR CLUSTER FORMATION
Price & Bate 
(2008, 2008)

Effect of magnetic 
fields:  

Slower star 
formation rate: 

Star formation less 
inefficient

Supercritical mass-to-flux ratios: magnetic fields do not prevent collapse



CHARACTERISTICS OF TURBULENCE-CONTROLLED STAR FORMATION

➤ Fast, occurs on dynamical time(~1-2Myr) 

➤ Chaotic; dynamical interactions common 

➤ Initial mass function arises from competition for mass 

➤ Binary and multiple stars usual outcome 

➤ Massive, gravitationally unstable discs in early phase 

➤ Filaments! (c.f. Philippe André’s talk)

e.g. Larson (1978, 1981), Pringle (1989), Bate & 
Bonnell (1994a,b), Mac Low et al. (1999), Stone et al. 
(1998), Klessen et al. (2000), Bate et al. (2003), 
Elmegreen (2000), Mac Low & Klessen (2004), Bate & 
Bonnell (2005), Bonnell & Bate (2006), Bate (2009, 
2012), Bate, Lodato & Pringle (2010)

Figure 1. ALMA and VLA images of the disk and triple protostar system
L1448 IRS3B. (a) ALMA 1.3 mm image of the extended disk, showing an
evident bright source on the left (IRS3B-c) in the outer disk and another
blended source on the right near the disk center (IRS3B-a and IRS3B-b).
(b) VLA 8 mm image smoothed to a similar resolution as the ALMA image,
capturing some of the faint, extended disk at longer wavelengths. The contours
in panel (b) are from a higher-resolution VLA 8 mm image13 clearly showing
the individual protostars with corresponding designations. All three protostars
are embedded within apparent spiral arms that emerge from IRS3B-a/IRS3B-b
and extend to IRS3B-c in the outer disk. The positions of the three protostars
identified from the VLA data are shown by red crosses in panel (a). The
contours start at and increase with 5�, where � = 0.009 mJy beam�1. The
resolution of each image is shown with an ellipse(s) drawn in the lower right
corner, corresponding to 0.0027⇥0.0016 (62 AU ⇥ 37 AU) for the ALMA image in
panel (a), 0.0024⇥0.0020 (55 AU ⇥ 46 AU) for the VLA image in panel (b), and
0.0018⇥0.0016 (41 AU ⇥ 37 AU; blue ellipse) for the contour image in panel (b).

Tobin et al. (2016)



DOES TURBULENCE DETERMINE THE INITIAL MASS FUNCTION?

Vs

Liptai et al. (2017), see also Bertelli-Motta et al. (2016)

respect toMach numbers and average gas density) but inter-
preted at different scales L1 and L2 > L1. The total mass in
the ‘‘ large-scale ’’ experiment is obviously ðL2=L1Þ3 larger
than in the ‘‘ small-scale ’’ experiment. The cores in the
large-scale experiment would be equal in number but heav-
ier by the ratio ðL2=L1Þ3 than cores in the small-scale experi-
ment. On the other hand, the total number of cores in the
small-scale experiment is ðL2=L1Þ3 larger than in the large-
scale experiment if the same total mass is used in the two
cases [i.e., if cores from a number ðL2=L1Þ3 of small-scale
experiments are counted together]. The result is therefore a
total number of cores that depends on scale as

N / L# 3 ; ð17Þ

in agreement with Elmegreen’s (1997) result.
When the Mach number dependence on scale is taken

into account, the result is that the larger scales contribute
relatively less massive cores because of the scaling relation
(14). We assume that the number of cores per scale L still
scales as L# 3. Combining the relations (14) and (17) we
obtain

NðmÞd logm / m# 3=ð4# !Þd logm : ð18Þ

If the spectral index is consistent with the observed velocity
dispersion–size Larson relation (Larson 1981) and with our
numerical and analytical results (Boldyrev et al. 2002), then
! ¼ 1:74 and the mass distribution is

NðmÞd logm / m# 1:33d logm ; ð19Þ

which is almost identical to the Salpeter stellar IMF (Sal-
peter 1955).

6. THE MASS DISTRIBUTION OF
COLLAPSING CORES

The mass distribution of dense cores has been computed
assuming that the preshock density is n0 and the postshock
densityMAn0, whereMA is scale dependent. Amore precise
computation should include the effect of the probability dis-
tribution of the value of MA at each scale, or the overall
effect of the statistics of the turbulent velocity field, which is
the generation of a lognormal PDF of mass density (see x 4).
This is necessary to compute the fraction of dense cores that
are gravitationally unstable and collapse into protostars,
since dense cores can be significantly denser than their aver-
age density predicted by the scaling laws. While most of the
large cores will be dense enough to collapse, the probability
that small cores are dense enough to collapse is determined
by the PDF of mass density. Because of the intermittent
nature of the lognormal PDF, even very small (substellar)
cores have a finite chance to be dense enough to collapse.

We write the thermal Jeans mass as

mJ ¼ mJ; 0
n

n0

! "# 1=2

; ð20Þ

where

mJ; 0 ¼ 1:2 M%
T

10 K

! "3=2! n0
1000 cm# 3

"# 1=2

ð21Þ

is the Jeans mass at the mean density n0. The distribution of
the Jeans mass is obtained from the PDF of density assum-

ing constant temperature as in Padoan et al. (1997b):

pðmJÞd lnmJ ¼
1ffiffiffiffiffiffi

2"
p

#=2

mJ

mJ; 0

! "# 2

& exp # 1

2

lnmJ # A

#=2

! "2
" #

d lnmJ ; ð22Þ

wheremJ is in solar masses and

A ¼ lnm2
J; 0 # lnn0 : ð23Þ

The fraction of cores of mass m with gravitational energy in
excess of their thermal energy is given by the integral of
pðmJÞ from 0 tom. The mass distribution of collapsing cores
is therefore

NðmÞd logm / m# 3=ð4# !Þ
Z m

0
pðmJÞdmJ

$ %
d logm : ð24Þ

The mass distribution is plotted in Figure 1, for ! ¼ 1:8.
In the top panel the mass distribution is computed for three
different values of the largest turbulent scale L0, assuming
Larson-type relations (Larson 1981) to rescale n0 and MA; 0

according to the value of L0. The mass distribution is a
power law, determined by the power spectrum of turbu-
lence, for masses larger than approximately 1 M% . At
smaller masses the mass distribution flattens, reaches a max-
imum at a fraction of 1 M% , and then decreases with
decreasing stellar mass. Collapsing substellar masses are
found, thanks to the intermittent density distribution in the
turbulent flow. The middle and bottom panels of Figure 1
show the dependence of the mass distribution on the rms
Mach number of the flow and on the average gas density,
respectively.

The magnetic critical mass is derived in the next section.
We have not used it here to obtain the mass distribution of
collapsing cores because the thermal Jeans mass is a more
strict condition for collapse. The magnetic critical mass
depends on the core morphology in relation to the field
geometry and on the magnetic field strength that correlates
with the gas density with a very large scatter (see below). It
is possible therefore that magnetic pressure support against
the gravitational collapse affects the shape of the mass distri-
bution but only as a secondary effect.

7. THE STELLAR IMF

Observations show that the stellar IMF is a power law
above 1–2 M% , with exponent around the Salpeter value
x ¼ 1:35, roughly independent of environment (Elmegreen
1998, 2001); gradually flattens at smaller masses; and peaks
at approximately 0.2–0.6M% (Hillenbrand 1997; Bouvier et
al. 1998; Luhman 1999, 2000; Luhman & Rieke 1999; Luh-
man et al. 2000). The shape of the IMF below 1–2 M% , and
particularly the relative abundance of brown dwarfs, may
depend on the physical environment (Luhman 2000).

The scalings discussed above result in a mass distribution
of dense cores consistent with the stellar IMF for masses
larger than 1M% , without invoking a sampling rate propor-
tional to the free-fall time, or ‘‘ competition for mass ’’ as in
Elmegreen (1997, 1999). Two conclusions are possible:
either there are effects in addition to those considered by
Elmegreen and they all happen to cancel each other, or else
additional effects are not important in the first place. In the
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turbulent fragmentation process that we have tested in the present
work with much larger numerical resolution, with three different
grid-based codes, both with and without magnetic fields. The
complete absence of an inertial range with a reasonable slope, or
with a reasonable dependence of the slope on the Mach number,
makes their SPH simulations totally inadequate for testing the
turbulent fragmentation model, as the model relies on the scale-
free nature of turbulent flows. Nevertheless, Ballesteros-Paredes
et al. (2006) seem to base their conclusions partly on the SPH
results, even if in contradiction with their own more robust TVD
results that are confirmed here.

Ballesteros-Paredes et al. (2006) try to argue that the magnetic
field plays no role in the IMF, to justify the relevance of their
simulations without magnetic fields. However, we have shown
here that the HD regime producesmuch steepermass distributions
than the MHD regime. The HD regime is therefore a poor choice
of physical parameters, if the aim is to extract the power-lawmass
distribution from simulations with a very limited numerical res-
olution, as it is much more variance-dominated than the MHD
regime. As explained above, it is not surprising that the very lim-
ited tails of their power lawsmay possibly appear more lognormal
than straight.

To address directly the issue of theMach number dependence
of the mass distribution, raised by Ballesteros-Paredes et al.
(2006), we plot in Figure 9 the mass distributions from the Enzo
HD runs withMS ¼ 6 andMS ¼ 10 and with f ¼ 8%. These
mass distributions are computed assuming a mean gas density
of 104 cm"3 and a box size of 6 pc. Each distribution contains
cores from two snapshots. The figure shows that the power-law
part of the mass distribution, above 1Y2 M#, is independent of
the Mach number and matches the prediction of the turbulent
fragmentation model, which is k"2:5 for the power-spectrum
slope ! ¼ 1:9 of the HD Enzo runs.

5. CONCLUSIONS

We have used large numerical simulations of supersonic MHD
and HD turbulence to test the turbulent fragmentation model of
Padoan & Nordlund (2002). The model predicts a power-law dis-
tribution for largemasses, related to the turbulence-energy power-
spectrum slope and the shock-jump conditions. This power-law
mass distribution is confirmed by the numerical experiments.
Themodel also predicts that the HD regime should yield a much
steeper mass distribution of unstable cores than the MHD regime,
which is confirmed by the simulations. This feature of the frag-
mentation model is very important because it shows that even
rather weak magnetic fields (super-Alfvénic turbulence) can be
crucial in setting the initial conditions for the process of star for-
mation and in shaping the stellar IMF.
While present-day star formation probably takes place always

in the MHD regime, star formation at very high redshift may well
occur in the HD regime, both because the field strength is still low
and because the value of the critical magnetic field strength that
defines the HD regime is larger at higher temperatures. The IMF
of the earliest Population II stars, and perhaps the latest Popu-
lation III stars as well, may be formed in turbulent environments
in this HD regime, resulting in an IMF narrowly peaked around a
mass of order 10M#. The effect of such a peculiar IMF of early
stellar populations on the ionization history and metallicity evo-
lution of the universe should be investigated.
Numerical simulations can quantitatively account for the fun-

damental role of the turbulence in setting the initial conditions for
the process of star formation only if they can generate an inertial
range of turbulence, which requires both low numerical diffusivity
and large numerical resolution. Furthermore, to model present-
day star formation that occurs in theMHD regime, the magnetic
field cannot be neglected, even if the turbulence is assumed to
be super-Alfvénic. SPH simulations of large scale star formation
to date fail in all three fronts: numerical diffusivity, numerical
resolution, and presence of magnetic fields. This should cast se-
rious doubts on the value of comparing predictions based on SPH
simulations with observational data (see also Agertz et al. 2006).
Finally, the mass distribution of unstable cores found in the

MHD simulations is indistinguishable from the Chabrier stellar
IMF (Chabrier 2003) and in qualitative agreement with the less
well determined mass distributions of prestellar cores selected
from dust emission or molecular line observations. Such a co-
incidence may indicate that gravitational fragmentation, com-
petitive accretion, or merging, all absent in these turbulence
simulations, may not play a major role in the origin of the stellar
IMF, a fascinating idea to be tested with the next generation of
high-resolution simulations of self-gravitating turbulence.

This research was partially supported by a NASA ATP grant
NNG056601G, by an NSF grant AST 05-07768, and by a NRAC
allocation MCA098020S. We utilized computing resources pro-
vided by the San Diego Supercomputer Center, by the National
Center for Supercomputing Applications, and by NASA High
End Computing Program.
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Fig. 9.—Mass distributions of gravitationally unstable cores from the Enzo
HD runs with MS ¼ 6 and 10, f ¼ 8%, and assuming a mean gas density of
104 cm"3 and a box size of 6 pc. Each mass distribution contains unstable cores
from two snapshots. The Chabrier (2003) IMF (dashed line) and the power law
predicted by the turbulent fragmentation model (solid line) are also plotted. [See
the electronic edition of the Journal for a color version of this figure.]
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Fig. 2.— Pdf of gas density for the MHD and HD snapshots
used as initial conditions for the star-formation simulations (solid
lines). The Log-Normal models used in this work are also shown
(dotted lines).

As mentioned above, in our simulation with MS,0 ≈ 9
and mean Alfvén velocity vA,0 = 0.3 cS (computed with
the mean density and mean magnetic field), we get an
average value of the postshock gas to magnetic pres-
sures equal to β = 0.45 (averaged over all regions with
density larger than twice the mean), and find that this
value is almost independent of density, for densities larger
than the mean. According to our equation (23), in
that super-Alfvénic simulation we should therefore ob-
tain σx,MHD ≈ 2.9. The actual value in the simulation is
2.7 (computed directly from the density field, not from
a fit to the density pdf), very close to the prediction of
our simple model. Figure 2 compares the HD and MHD
model pdfs to the actual pdfs of the snapshots used as
initial conditions for the star-formation simulations. The
MHD model provides an excellent fit to the high den-
sity tail of the pdf, for almost 4 orders of magnitude in
probability. At the highest densities the model predicts
a slightly larger probability, a discrepancy that may be
attributed to the limited numerical resolution. The pdf
from the HD snapshot also lies below the model pdf at
the highest densities.

The compilation of OH and CN Zeeman measurements
by Troland & Crutcher (2008) and Falgarone et al.
(2008) give an average value of β = 0.39, independent
of density (the value is the same in the two samples,
even if the mean gas density of the CN cores is approx-
imately two orders of magnitude larger than that of the
OH cores), in very close agreement with the results of our
super-Alfvénic simulation. Observations give the mag-
netic field and the value of β in dense regions, so the
observational β corresponds to the postshock β defined
here. It would be hard to estimate the mean magnetic
field from observations over a large volume, because the
Zeeman splitting of emission or absorption lines cannot
be detected in low density regions. In numerical simula-
tions of super-Alfvénic turbulence, the rms magnetic field
is the result of the amplification of some weak initial field
by compressions and, possibly, by a turbulent dynamo.
These simulations typically start from an initially uni-
form field, B0, which is also the conserved mean magnetic
field. It would therefore be useful to relate β to the gas
to magnetic pressure computed with the mean magnetic

field, B0, and the mean gas density, ρ0, β0 = 2 c2
S/v2

A,0.
This relation will be studied in a future work, while here
we will only refer to β in our formulae.

5. STAR FORMATION RATE

In Padoan & Nordlund (2004) we computed the mass
fraction available to form brown dwarfs as the integral
of the pdf of gas density from a critical density to in-
finity. In that case the critical density was defined as
the density of a critical Bonnor-Ebert sphere with a
mass of 0.075 M⊙. Krumholz & McKee (2005) used the
same integral to compute the total mass available for
star formation, and defined the critical density based on
the condition of turbulent support of a Bonnor-Ebert
sphere. Here we follow the same procedure, but our crit-
ical density is defined as the density of a critical Bonnor-
Ebert sphere (or a critical magnetized sphere) of diame-
ter equal to the characteristic postshock layer thickness.
As shown above, our critical density in the HD case has
the same dependence on αvir and MS,0 and almost the
same numerical value as the critical density derived by
Krumholz & McKee (2005).

Assuming that the mass fraction above the critical
density is turned into stars in a free-fall time of the
mean density, ρ0, as in Krumholz & McKee (2005), the
star formation rate per free-fall time (the mass fraction
turned into stars in a free-fall time) is given by:

SFRff =

! ∞

xcr

x p(x) dx =
1

2
+

1

2
erf

"

σ2 − 2 ln (ρcr/ρ0)

23/2 σ

#

(24)

where xcr = ρcr/ρ0. The choice of expressing the
SFR with a time unit equal to the free-fall time, in-
troduced in Krumholz & McKee (2005), is useful when
comparing with observational data, because it turns out
that the value of SFRff is approximately the same in
very different star-formation environments, as shown by
Krumholz & Tan (2007).

Because ρcr is derived as an average critical density,
the integral in equation (24) is justified only if the ac-
tual local value of the critical density does not correlate
with the local value of the density. This requires that
local values of postshock layer density, ρ, and thickness,
λ, are not correlated with each other. Both ρ and λ
depend on the local shock velocity, so one may expect
them to have correlated fluctuations around their mean
values. However, the shock velocity varies not only be-
cause of random fluctuations at a fixed scale, but also
because they increase with scale, being approximately
proportional to L1/2. As discussed above, the character-
istic thickness is scale-independent, so the range in shock
velocity introduced by the range in velocity due the scal-
ing does not generate any correlation between the local
density and the local critical density. Therefore, if the
range in shock velocities due to its scaling dominates over
the range in local shock velocity due to fluctuations at
a fixed scale, the mean value of the critical density will
not show any correlation with the local density, and the
integral in equation (24) is justified.

Figure 3 shows the result of equation (24) as a func-
tion of the virial parameter, for three values of the sonic
Mach number, MS,0 = 9, 18, 36, in the MHD case with
β = 0.45, and in the HD case. We have assumed a value

?
e.g. Padoan and Nordlund (2002), 
Hennebelle & Chabrier (2008,2009), 
Hopkins (2012) 

Can we map the PDF to the IMF?

Does the PDF lead to the IMF? 5
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Figure 6. Combined IMFs (blue and red histograms) from the 7 solenoidal (left) and 7 compressive (right) simulations. Solid/dashed lines show the empirically
derived IMFs of Kroupa (2001) and Chabrier (2005) for comparison. While our simulations overproduce low mass objects, consistent with Bate (2009a), the
IMFs with either solenoidal or compressive driving are statistically indistinguishable, suggesting no direct link between the PDF (Figure 4) and the IMF.

Figure 7. Cumulative IMFs, comparing solenoidal (left) to compressive
(right). Thick bold lines show the mean of all realisations while the thin-
ner lines show the results from individual calculations.

shorter timescale in the compressive case. Also, the end of the sim-
ulations does not mark the end of the star formation process since
the mass in stars continues to increase.

3.4 Comparison of IMFs

Figure 6 shows the IMFs from our simulations, combining all 7
realisations with solenoidal (left) and compressive driving (right),
with the cumulative IMFs shown in Figure 7. The IMFs of stars
that have finished accreting (235 of 388 and 298 of 533 sinks for
solenoidal and compressive, respectively) are shown in red, while
the IMF of all stars is shown in blue. The lowest mass possible in
our calculations is ⇡ 0.005 M� from the opacity limit for fragmen-
tation, which sets the low-mass cutoff. The IMFs appear similar
to those shown in BBB03 but with better statistics because of our
multiple realisations. Our IMFs are also similar to those found by
Bate (2009a) from one calculation of a 500 M� cloud. In particu-
lar, we observe the statistically significant excess in low mass stars
and brown dwarfs compared to the Kroupa (2001) and Chabrier
(2005) IMFs (dashed and solid lines, respectively) that occurs when
a barotropic equation of state is employed (e.g. Bate 2009a,b).

There is no obvious difference between the IMFs produced
by the different types of driving. Statistics confirm this — a
Kolmogorov-Smirnov test gives a p-value of 0.71 between the two
distributions when considering all sink particles, and a p-value of

0.98 when considering only sinks that have finished accreting. This
means we cannot reject the hypothesis that the samples come from
the same underlying distribution. Thus, while the type of driving
changes the density PDF, the resultant IMFs are indistinguishable.

4 DISCUSSION AND CONCLUSIONS

We presented the results of 14 numerical simulations of the gravita-
tional collapse of 50 M� molecular clouds, each impulsively driven
with a different random solenoidal or compressive velocity field to
test the effect of the initial turbulence on the IMF. We resolved frag-
mentation to the opacity limit, at which point sink particles were in-
serted. By allowing the sink particles to accrete and grow in mass,
we directly measured the masses of the resultant cluster of stars.

We found that while the initial turbulent velocity fields yielded
different density PDFs during the initial collapse phase (before star
formation begins), they had no significant effect on the IMF. How-
ever, the star formation rate was ⇡ 2 times greater in the compres-
sively driven clouds, with the onset of star formation occurring 0.9
free-fall times earlier. Our findings are consistent with Girichidis
et al. (2011), who found their IMFs unchanged by the ratio of
solenoidal to compressive modes in the initial turbulence, and with
Bate (2009c) who found that using a different initial kinetic power
spectrum did not significantly alter the resulting IMF.

The main caveat to our study is that we assumed impulsive
turbulent driving, which does not produce a statistical steady state.
Thus it may be argued that the turbulent support present in the col-
lapsing cores has already decayed by the time star formation oc-
curs. Also, our density PDFs evolve in time and do not maintain
the empirical relation between the variance, Mach number and the
ratio of solenoidal and compressive modes (Eq. 1; see Figure 3).
However, the decaying regime is important as it may better repre-
sent dense cores prior to star formation (e.g. Lada et al. 2008) and
thus driving of the velocity field by outflows and radiative feedback.

The best answer to the above caveat is provided in the com-
plementary study by Bertelli Motta et al. (2016). Although these
authors did not resolve the IMF to the opacity limit, they used
clouds driven to a statistical steady state inside a periodic box, be-
fore ‘switching on’ gravity to collapse the cloud. Importantly, the
turbulence in their experiments was continually driven throughout
the calculations, producing PDFs which match Eq. 1. Despite this,
in their ‘high density’ simulations which are most similar to ours,

MNRAS 000, 1–6 (2016)

IMFs are statistically identical despite 
very different density PDFs!

See Simon White’s talk!



SMALL SCALES: MAGNETIC BRAKING CATASTROPHE
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sequence of runs of increasing magnetic field strength (top to

bottom), where time is shown in units of the free-fall time and

magnetic field strengths are expressed in terms of the mass-to-flux

ratio in units of the critical value. The figure shows the runs with

M/! = ∞, 20, 10, 7.5, 5, 4 and 3. The M/! = 100 run differs only

slightly from the hydrodynamics case and has not therefore been

plotted. For very strong magnetic fields (M/! < 3), the collapse

is strongly inhibited as the mass-to-flux ratio is close to the criti-

cal value. Gas is strongly channelled along the magnetic field lines

(Fig. 2) and we find that a ring is formed at the cloud radius (i.e. far

away from the central regions, and long before any collapse has oc-

curred in the centre) in the mid-plane which becomes gravitationally

Figure 3. Results of the axisymmetric collapse calculations with initial magnetic field aligned with the rotation (z) axis, showing column density in the collapsed

cloud (integrated through the z-direction). Columns from left- to right-hand panel show snapshots at a given time (given in units of tff = 2.4 × 104 yr), whilst

from top to bottom rows show the results for increasing magnetic field strengths, given as a mass-to-flux ratio in units of the critical value but which correspond

to B = 0, 40.7, 81.3, 108.5, 163 and 203 µG, respectively. Increasing the magnetic field strength tends to delay and also suppress disc formation.

unstable and fragments. Because this fragmentation is essentially a

boundary effect, we do not discuss these calculations any further.

The results for intermediate field strengths show a clear trend

in both the formation of the protostar and the subsequent size of

the disc which forms (Fig. 3), namely that protostar formation oc-

curs progressively later as the field strength is increased and the

disc which forms is smaller, less massive and thus also less prone

to gravitational instabilities such as spiral arms which are clearly

evident in the hydrodynamic run (top row).

The delay in the onset of fragmentation is largely a result of the ex-

tra support provided to the cloud by the magnetic pressure. The size

and mass of the resultant disc are affected in this case mainly by the

C⃝ 2007 The Authors. Journal compilation C⃝ 2007 RAS, MNRAS 377, 77–90

Price & Bate (2007) 

see Allen et al. (2003), Galli et al. (2006), Price & 
Bate (2007), Mellon & Li (2008), Hennebelle & 
Fromang (2008), Commerçon et al. (2010), 
Krasnopolsky et al. (2010), Seifried et al. (2012), 
Santos-Lima et al. (2012), Joos et al. (2013) and 
many others

No discs in models 
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strengths
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CAN NON-IDEAL MHD SOLVE THE MAGNETIC BRAKING CATASTROPHE?
Wurster, Price & Bate (2016)

Can non-ideal MHD save discs? 9
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Figure 2. Face-on gas column density using ideal MHD. The initial rotation is counterclockwise and the initial magnetic field is directed out of the page (i.e.
B0 · Ω0 > 0). Each model is initialised with ∼3×105 particles within the sphere. From left to right, the columns represent snapshots at a given time (in
units of the free-fall time, tff = 2.4 × 104 yr). The rows represent models with different initial magnetic field strengths given in terms of µ0 (i.e. the initial
mass-to-flux ratio normalised to the critical mass-to-flux ratio). The top row has no initial magnetic field and the bottom row has the strongest magnetic field
(i.e. increasing magnetic field strength corresponds to a decreasing value of µ0). The white circles represent the sink particle with the radius of the circle
representing the accretion radius of the sink particle. Each frame is (300 AU)2. The discs grow in size and mass with time. At any given time, the models with
stronger magnetic fields have smaller and less massive discs than the models with the weaker initial magnetic field. The hydrodynamic model yields the largest
and most massive disc in our entire suite of simulations.

discs while magnetohydrodynamical collapses hinder or suppress
the formation of discs, with smaller discs forming in simulations
with stronger initial magnetic fields – assuming a disc forms at all.
In agreement with (e.g.) Allen et al. (2003), PB07, Mellon & Li
(2008), and Hennebelle & Fromang (2008), this demonstrates the
magnetic braking catastrophe.

4.1.1 Resolution

Fig. 4 shows a comparison of the discs formed at resolutions of
∼3× 105 particles in the collapsing sphere (top row) and ∼106

particles (bottom row) using µ0 = 7.5. This magnetic field strength
was used so that disc characteristics could be compared. The∼106

particle model took ∼3.5 times longer to run, which is reasonable
given the increase in resolution.

The two resolutions follow the same general trend, with large
discs forming. For 1.10 ! t/tff ! 1.21, the star+disc mass,
disc mass and disc radius typically differ by less than 20 per cent.
Thus, these results are relatively robust to the resolution increase
presented here.
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Figure 4. Face-on column density as in Fig. 2 but for ideal MHD at two
different resolutions and zoomed in to (90 AU)2; both use µ0 = 7.5. The
open circles represent the sink particle with the radius of the circle repre-
senting the accretion radius of the sink particle. At both resolutions, disc
masses and radii are similar.

Ideal MHD
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Figure 6. Face-on gas column density, as in Fig. 2 but for non-ideal MHD including the effect of Ohmic resistivity, the Hall effect and ambipolar diffusion.
The top plot has the magnetic field initialised withB0 ·Ω0 > 0, and the bottom plot withB0 ·Ω0 < 0. Compared to ideal MHD, disc sizes are smaller for
B0 ·Ω0 > 0, but larger forB0 ·Ω0 < 0. This indicates that the Hall effect is the most important non-ideal MHD term for disc formation.

sive within a factor of two than its counterpart, and the evolution
indicates that it will not dissipate.

Our ∼3×105 particle models meet the resolution criteria set
out by Bate & Burkert (1997) (c.f. Section 3), and our brief res-
olution study indicates that our results agree at both resolutions.
Thus, to save computational costs of theB0 ·Ω0 < 0 models with
weaker magnetic fields, the bottom panel in Fig. 6 shows the lower

resolution models. For consistency, we thus present all the models
in Sections 4.1 and 4.3 at the lower resolution. The remainder of
this study is performed using the ∼106 particle models, with the
exception of our discussion of the cosmic ionisation rate. Note that
the non-ideal MHD model with µ0 = 5 andB0 ·Ω0 < 0 has only
evolved to t ≈ 1.18tff .

Likely answer is combination of non-ideal MHD and turbulence

Hall effect!

Non-ideal MHD



STAR FORMATION: SUMMARY

➤ Star formation is fast: Governed by turbulence on large 
scales (pc) 

➤ Magnetic fields do not prevent gravitational collapse, but 
may help set star formation rate 

➤ Magnetic braking catastrophe on small scales (~100 au) can 
be solved with turbulence + non-ideal MHD 

➤ Dynamical interactions, radiation + non-ideal MHD 
dominate on scales < 100 au 

➤ No fossil fields in stars (embargoed)



PLANET FORMATION - FAST OR SLOW?

FIGURE 1. Age of stellar sample vs. fraction of stars with primordial disks (the “Haisch-Lada2” plot)
either through Hα emission or infrared excess diagnostics. The best fit exponential decay curve is plotted
with timescale τdisk = 2.5 Myr. Disk fraction data are plotted for (in age order) NGC 2024 [0.3 Myr; 29],
NGC 1333 [1 Myr; 30], Taurus [1.5 Myr; 31], Orion Nebula Cluster [1.5 Myr; 28], NGC 7129 [2 Myr;
32], NGC 2068/71 [2 Myr; 33], Cha I [2.6 Myr; 34, 27], IC 348 [2.5 Myr; 21], σ Ori [3 Myr; 35], NGC
2264 [3.2 Myr; 28], Tr 37 [4.2 Myr; 36], Ori OB1b [4 Myr; 35], Upper Sco [5 Myr; 22], NGC 2362 [5
Myr; 37], γ Vel [5 Myr; 38], λ Ori [5 Myr; 39], η Cha [6 Myr; 40], TW Hya [8 Myr; 31], 25 Ori [8 Myr;
35, 38], NGC 7160 [11.8 Myr; 36], β Pic [12 Myr; 41], UCL/LCC [16 Myr; 42].

by the authors as being likely due to primordial disk due to the SED shape or strength
of the IR excess. The nature of some disks is unclear. Lada et al. [21] and others have
identified stars with weak IR excesses whose nature as stars with either accretion disks
of lower optical depth or simply warm dusty debris disks is at present ambiguous. Given
the rarity of “transition disks2” (disks with large inner holes), their inclusion or exclusion
is usually within the disk fraction uncertainties, and will have negligible impact on this
analysis. The fraction of stars in the transition phase has been noted to be very high
in a young sample [e.g. ∼1 Myr CrA; 46]. I have not yet attempted to disentangle the
effects of stellar mass in Fig. 1, so the reader should simply interpret the disk fractions as
being most representative of the low-mass population of stars (<2 M⊙) as they dominate
the stellar samples. I have omitted results for more distant clusters whose disk fraction

2 A glossary for common terminology for young stellar objects with disks (the “diskionary”) was recently
compiled by Evans et al. [45].

Lifetime of protoplanetary disc ~ 10 Myr

Mamajek (2009)
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PLANET FORMATION IN THE TAURUS MOLECULAR CLOUD

ALMA collaboration et al. (2015)



Gas mm grains

DUST, GAS AND PLANETS IN HL TAU Dipierro et al. (2015)



COMPARISON

Dust and gas in HL Tau 5

Figure 4. Comparison between the ALMA image of HL Tau (left) with simulated observations of our disc model (right) at band 6 (continuum emission at 233
GHz). The white colour in the filled ellipse in the lower left corner indicates the size of the half-power contour of the synthesized beam: (left) 0.035 arcsec ×
0.022 arcsec, P.A. 11°; (right) 0.032 arcsec × 0.024 arcsec, P.A. 6°.

that the axisymmetric perturbations in the ALMA images in the
outer part of the second and third planet orbits are generated by the
lower coupling of cm-particles. Further simulations with a steeper
surface density profile should be able to reproduce this.

There are many caveats to our results, and we stress that these
are preliminary investigations. Nevertheless they illustrate that the
ALMA observations of HL Tau can be understood from the inter-
action between dust, gas and planets in the disc.
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Figure 1. Left panel : The TW Hya disk in polarized intensity at 1.62 µm, scaled by R2. The position of the star is denoted by the +
sign. A distance of 54 pc has been adopted. The dark and bright patch near [-1,-2] arcseconds are artefacts. Right panel : the same image
with annotations. The adopted nomenclature of bright “rings” and radial “gaps” has been indicated. The region under the coronagraphic
mask of 93mas radius has been greyed out. The “dark spiral” is indicated with a dashed line. The ⇥ symbol denotes the position of the
compact HCO+ source found by Cleeves et al. (2015).

Hence, determining the proper value of ✓ by minimizing
the resulting U� signal in an annulus around the star is
a commonly adopted technique. If the astrophysical po-
larized signal has a non-tangential component then this
minimization will generally not yield an “empty” U� im-
age, because the spatial signature of the astrophysical
signal (e.g., Canovas et al. 2015) di↵ers from that of the
instrumental crosstalk. Conversely, if a U� image with
approximately zero signal can be obtained by an appro-
priate choice of ✓, then this means the non-tangential
component of the astrophysical polarized signal must be
very close to zero.
We selected the 18 cycles with the best signal to noise

ratio in the H-band observations to be combined into a
final image, and used the entire data set of 16 cycles
for the J-band image. For each polarimetric cycle i we
determined the appropriate value for ✓ by minimization
of the U� signal. After each ✓i was determined, Q�,i &
U�,i were computed for each polarimetric cycle. The final
Q� and U� images were obtained by median combination
of all cycles.

2.3. Data quality and PSF

The Strehl ratio of the polarimetric observations, de-
fined as the fraction of the total flux that is concentrated
in the central Airy disk, relative to the corresponding
fraction in a perfect di↵raction-limited PSF (⇡ 80% for
a VLT pupil), is approximately 13% in the R0-band and
approximately 69% in the H-band in our data. The PSF
core in the R0-band is substantially less “sharp” than that
of a perfect Airy pattern due to the combination of mod-
erate conditions and the relatively low flux of TW Hya in
the R-band, where the wavefront sensor operates. The
central PSF core is slightly elongated with a fwhm of
56⇥48mas with the major axis oriented ⇡ 127� E of N,

and contains ⇡ 30% of the total flux. In comparison, a
perfect Airy disk would have a fwhm of 16mas. The H-
Band data have a nearly di↵raction-limited PSF shape
with fwhm⇡ 48.5 mas, compared to 41.4 mas for a per-
fect Airy disk.

2.4. H-band angular di↵erential imaging

The cosmetic reduction of the coronagraphic images
included subtraction of the sky background, flat field
and bad pixel correction. One image out of 64 had to
be discarded due to an open AO loop. Image registra-
tion was performed based on “star center” frames which
were recorded before and after the coronagraphic obser-
vations. These frames display four crosswise replicas of
the star, which is hidden behind the coronagraphic mask,
with which the exact position of the star can be deter-
mined. The modeling and subtraction of the PSF is per-
formed using a principal component analysis (PCA) after
Absil et al. (2013), which is in turn based on Soummer
et al. (2012). We apply the following basis steps: (1)
Gaussian smoothing with half of the estimated FWHM;
(2) intensity scaling of the images based on the measured
peak flux of the PSF images; (3) PCA and subtraction
of the modeled noise; (4) derotation and averaging of the
images.

3. RESULTS

3.1. A first look at the images

In the left panel of Fig. 1 we show the H-band Q� im-
age of the TW Hya disk, with an e↵ective wavelength
of 1.62 µm. In the right panel we show an annotated
version of the same image to graphically illustrate the
adopted nomenclature and identification of various struc-
tural features in the TW Hya disk. The Q� image con-
tains only positive signal and the corresponding U� im-

November 23 and 0.7 mm on the latter two executions. The
total on-target integration time was ∼2 hr.

These raw data were calibrated by NRAO staff. After
applying phase corrections from water vapor radiometer
measurements, the data were time-averaged into 2 s integra-
tions and flagged for problematic antennas and times. The
bandpass response of each spectral window was calibrated
using the observations of J1058+0133. The amplitude scale
was determined from J1037–2934 and J1107–4449. The
complex gain response of the system was calibrated using the
frequent observations of J1103–3251. Although images
generated from these data are relatively free of artifacts and
recover the integrated flux density of the target (1.5 Jy), folding
in additional ALMA observations with a higher density of short
antenna spacings improves the image reconstruction.

To that end, we calibrated three archival ALMA data
observations of TW Hya, from 2012 May 20, 2012 November
20, and 2014 December 31, using 16, 25, and 34 antennas
spanning baselines from 15 to 375 m. The first two observa-
tions had four 59MHz wide spectral windows centered at
333.8, 335.4, 345.8, and 347.4 GHz. The latter had two
235MHz windows (at 338.2 and 349.4 GHz), one 469MHz
window (at 352.0 GHz), and one 1875MHz window (at
338.4 GHz). J1037–2934 was employed as a gain calibrator,
and Titan and 3C 279 (May 20), Ceres and J0522-364
(November 20), or Ganymede and J0158+0133 (December 31)
served as flux or bandpass calibrators. The weather for these
observations was excellent, with PWV levels of 0.5–1 mm. The
combined on-target integration time was 95 minutes. The basic
calibration was as described above. As a check, we compared
the amplitudes from each individual data set on overlapping
spatial frequencies and found exceptional consistency.

The calibrated visibilities from each observation were shifted
to account for the proper motion of the target and then
combined after excising channels with potential emission from
spectral lines. Some modest improvements were made with a
round of phase-only self-calibration. Continuum images at a
mean frequency of 345.9 GHz (867 μm) were generated by
Fourier inverting the visibilities, deconvolving with a multi-
scale, multi-frequency synthesis version of the CLEAN
algorithm, and then restoring with a synthesized beam. All
calibration and imaging were performed with the CASA
package (v4.5.0).

After some experimentation, we settled on an analysis of two
images made from the same composite data set. The first used a
Briggs weighting (with a robust parameter of 0) to provide a
24×18 mas synthesized beam (at P.A.=78°). While this
provides enhanced resolution, it comes at the cost of a dirty
beam with ∼20% sidelobes (due to the sparse coverage at long
baselines) that degrades the image quality. A second image was
made with a robust parameter of 0.5 and an elliptical taper to
create a circular 30 mas beam with negligible sidelobes. Both
images are consistent (within the resolution differences) and
have rms noise levels around 35 μJy beam−1.

3. RESULTS

Figure 1 shows a high-resolution map of the 870 μm
continuum emission from the TW Hya disk, revealing a series
of concentric bright and dark rings out to a radial distance of
60 au from the host star with a nearly pole-on viewing
geometry. To aid in the visualization of this substructure,
Figure 2 shows the image transformed into polar coordinates

and azimuthally averaged into a radial surface brightness
profile.
The inner disk includes an unresolved (<0.5 au in radius)

0.93± 0.04 mJy source coincident with the stellar position and
a bright ring that peaks at 2.4 au; between them is a dark
annulus centered at 1 au. The bright ring and dark annulus are
unresolved (<1 au across). Because it is unresolved, the depth
of the dark annulus is difficult to determine unambiguously: we
find at least a 30% brightness reduction.

Figure 1. Synthesized image of the 870 μm continuum emission from the TW
Hya disk with a 30 mas FWHM (1.6 au) circular beam. The rms noise level is
∼35 μJy beam−1. The inset shows a 0 2 wide (10.8 au) zoom using an image
with finer resolution (24×18 mas, or 1.3×1.0 au, FWHM beam).

Figure 2. (top) High-resolution (24×18 mas beam) synthesized image
described in Section 2, deprojected into a map in polar coordinates to more
easily view the disk substructure. (bottom) The azimuthally averaged radial
surface brightness profile. For reference, the dashed red curve shows the
midplane temperature profile derived from a representative model disk. The
gray curve in the bottom left reflects the profile of the synthesized beam.
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THREE RADIAL GAPS IN THE DISK OF TW HYDRAE IMAGED WITH SPHERE
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ABSTRACT

We present scattered light images of the TW Hya disk performed with SPHERE in PDI mode at
0.63, 0.79, 1.24 and 1.62 µm. We also present H2/H3-band ADI observations. Three distinct radial
depressions in the polarized intensity distribution are seen, around ⇡ 85, ⇡ 21, and . 6 au1. The
overall intensity distribution has a high degree of azimuthal symmetry; the disk is somewhat brighter
than average towards the South and darker towards the North-West. The ADI observations yielded
no signifiant detection of point sources in the disk.
Our observations have a linear spatial resolution of 1 to 2 au, similar to that of recent ALMA

dust continuum observations. The sub-micron sized dust grains that dominate the light scattering
in the disk surface are strongly coupled to the gas. We created a radiative transfer disk model with
self-consistent temperature and vertical structure iteration and including grain size-dependent dust
settling. This method may provide independent constraints on the gas distribution at higher spatial
resolution than is feasible with ALMA gas line observations.
We find that the gas surface density in the “gaps” is reduced by ⇡ 50% to ⇡ 80% relative to an

unperturbed model. Should embedded planets be responsible for carving the gaps then their masses
are at most a few 10M�. The observed gaps are wider, with shallower flanks, than expected for planet-
disk interaction with such low-mass planets. If forming planetary bodies have undergone collapse and
are in the “detached phase”, then they may be directly observable with future facilities such as METIS
at the E-ELT.
Subject headings: instrumentation: adaptive optics — techniques: polarimetric, high angular resolu-

tion — protoplanetary disks — planet–disk interactions — TW Hya
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Diderot, Université Pierre et Marie Curie, 5 place Jules Janssen,
92190 Meudon, France

9 Institute for Astronomy, ETH Zürich, Wolfgang-Pauli-Strasse
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1. INTRODUCTION

The distribution of gaseous and solid material in the
circumstellar disks around young stars, the physical and
chemical properties of this material, and the temporal
evolution of these quantities provide important bound-
ary conditions for modeling of the formation of planets
and other bodies in the solar system and other plane-
tary systems. However, the small angular scales involved
pose great observational challenges. Recent ALMA dust
continuum observations of TW Hya, the nearest young
system with a gas-rich disk, provide a detailed map of
the spatial distribution of large, ⇡mm-sized dust, at a
linear spatial resolution of ⇡ 1 au (Andrews et al. 2016).
Studying the distribution of gas at the same spatial scales
is not feasible with ALMA but on larger scales the gas
distribution can be mapped (e.g. Schwarz et al. 2016)
using trace species like CO isotopologues as a proxy for
the bulk mass of H2 and He gas, which is not directly
observable.
In this work we apply a qualitatively di↵erent method

to constrain the bulk gas density distribution. We use the

19 Observatoire astronomique de l’Université de Genève, 51 ch.
des Maillettes, 1290 Versoix, Switzerland

20 Núcleo de Astronomı́a, Facultad de Ingenieŕıa, Universidad
Diego Portales, Av. Ejercito 441, Santiago, Chile
1Throughout this work we have assumed a distance of 54 pc to
TW Hya. This is ⇡ 10% less than the new GAIA distance of
59.5+0.96

�0.93 pc (Gaia Collaboration et al. 2016). We discuss the im-
plications of the new, somewhat larger distance in Section 5.5.3.
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TW HYA MODELLING Mentiplay, Price & Pinte (in prep)

Left: Our 
simulation 

Right: 
Andrews et 
al. (2016) 

Left: Our 
simulation  

Right: Van 
Boekel et al. 
(2017)

Super-earths in TW Hya 5

Figure 4. Post-processed image of dust thermal continuum at 870µm (left), compared with ALMA observations from Andrews et al. (2016) at the same
wavelength (right). The beam size is 28⇥21 mas in our image, compared with 30 mas FWHM (1.6 au) circular beam in the ALMA image. We obscure the
inner ⇡15 au as we do not simulate that region. This missing material leads to a steeper temperature profile.

Figure 5. Post-processed image of scattered light at 1.6µm in polarized intensity (left), compared with SPHERE observations from van Boekel et al. (2017)
at the same wavelength (right). [ TODO: Fix scattered light image: probably rotate a bit counter-clockwise, maybe change PA or incl, maybe add au
axis tick marks, align better. ]

differently to the planet torque. This may fill in the emission at the
gap location.

There is a freedom in choosing the total dust mass used in the
radiative transfer calculation. As we simulate only a small fraction
of the total dust mass, i.e. one particular grain size bin, we can
recover different total dust masses by changing the assumed width
of the bin. In our simulation we have taken the 100 µm dust mass
to be 1 % of the gas mass. We then take the total dust mass to be
3.75⇥ 10�4M�, i.e. a dust-to-gas ratio of 0.5.

[ TODO: spiral arm too bright and contrast too great:

check new calculation; try different inclination: 5 degrees; see
(Huang et al. 2018). ]

5 CONCLUSIONS

(i) We explain the gaps in dust emission in the ALMA observa-
tions of TW Hya with two super-Earth mass planets at ⇡24 au and
⇡41 au, respectively.

(ii) We show that a Saturn mass planet at ⇡94 au can explain the
main gap in scattered light observations. We predict the presence

MNRAS 000, 1–6 (2017)
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Figure 4. Post-processed image of dust thermal continuum at 870µm (left), compared with ALMA observations from Andrews et al. (2016) at the same
wavelength (right). The beam size is 28⇥21 mas in our image, compared with 30 mas FWHM (1.6 au) circular beam in the ALMA image. We obscure the
inner ⇡15 au as we do not simulate that region. This missing material leads to a steeper temperature profile.

Figure 5. Post-processed image of scattered light at 1.6µm in polarized intensity (left), compared with SPHERE observations from van Boekel et al. (2017)
at the same wavelength (right). [ TODO: Fix scattered light image: probably rotate a bit counter-clockwise, maybe change PA or incl, maybe add au
axis tick marks, align better. ]

differently to the planet torque. This may fill in the emission at the
gap location.

There is a freedom in choosing the total dust mass used in the
radiative transfer calculation. As we simulate only a small fraction
of the total dust mass, i.e. one particular grain size bin, we can
recover different total dust masses by changing the assumed width
of the bin. In our simulation we have taken the 100 µm dust mass
to be 1 % of the gas mass. We then take the total dust mass to be
3.75⇥ 10�4M�, i.e. a dust-to-gas ratio of 0.5.

[ TODO: spiral arm too bright and contrast too great:

check new calculation; try different inclination: 5 degrees; see
(Huang et al. 2018). ]

5 CONCLUSIONS

(i) We explain the gaps in dust emission in the ALMA observa-
tions of TW Hya with two super-Earth mass planets at ⇡24 au and
⇡41 au, respectively.

(ii) We show that a Saturn mass planet at ⇡94 au can explain the
main gap in scattered light observations. We predict the presence

MNRAS 000, 1–6 (2017)
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“TRANSITION” DISCS

Fig. 1.— SEDs of an evolved disk (top; RECX 11; Ingleby et al.
2011), a pre-transitional disk (middle; LkCa 15; Espaillat et al.
2007), and a transitional disk (bottom; GM Aur; Calvet et al.
2005). The stars are all K3-K5 and the fluxes have been corrected
for reddenning and scaled to the stellar photosphere (dot-long-
dashed line) for comparison. Relative to the Taurus median (short-
dashed line; D’Alessio et al. 1999), an evolved disk has less emis-
sion at all wavelengths, a pre-transitional disk has a MIR deficit
(5–20 µm, ignoring the 10 µm silicate emission feature), but com-
parable emission in the NIR (1–5 µm) and at longer wavelengths,
and a transitional disk has a deficit of emission in the NIR and
MIR with comparable emission at longer wavelengths.

2.1 Spectral Energy Distributions

SEDs are a powerful tool in disk studies as they pro-
vide information over a wide range of wavelengths, trac-
ing different emission mechanisms and material at differ-
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Fig. 2.— Schematic of full (top), pre-transitional (middle), and
transitional (bottom) disk structure. For the full disk, progressing
outward from the star (black) is the inner disk wall (light gray) and
outer disk (dark brown). Pre-transitional disks have an inner disk
wall (light gray) and inner disk (dark brown) followed by a disk
gap (white), then the outer disk wall (light gray) and outer disk
(dark brown). The transitional disk has an inner disk hole (white)
followed by an outer disk wall (light gray) and outer disk (dark
brown).

ent stellocentric radii. In a SED, one can see the signa-
tures of gas accretion (in the ultraviolet; see PPIV review
by Calvet et al. 2000), the stellar photosphere (typically
∼1 µm in TTS), and the dust in the disk (in the IR and
longer wavelengths). However, SEDs are not spatially re-
solved and this informationmust be supplemented by imag-
ing, ideally at many wavelengths (see § 2.2–2.3). Here
we review what has been learned from studying the SEDs
of (pre-)transitional disks, particularly using Spitzer IRS,
IRAC, and MIPS.

SED classification

A popular method of identifying transitional disks is to
compare individual SEDs to the median SED of disks in the
Taurus star-forming region (Fig. 1, dashed line in panels).
The median Taurus SED is typically taken as representative

3
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2011), a pre-transitional disk (middle; LkCa 15; Espaillat et al.
2007), and a transitional disk (bottom; GM Aur; Calvet et al.
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dashed line) for comparison. Relative to the Taurus median (short-
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sion at all wavelengths, a pre-transitional disk has a MIR deficit
(5–20 µm, ignoring the 10 µm silicate emission feature), but com-
parable emission in the NIR (1–5 µm) and at longer wavelengths,
and a transitional disk has a deficit of emission in the NIR and
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wall (light gray) and inner disk (dark brown) followed by a disk
gap (white), then the outer disk wall (light gray) and outer disk
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by Calvet et al. 2000), the stellar photosphere (typically
∼1 µm in TTS), and the dust in the disk (in the IR and
longer wavelengths). However, SEDs are not spatially re-
solved and this informationmust be supplemented by imag-
ing, ideally at many wavelengths (see § 2.2–2.3). Here
we review what has been learned from studying the SEDs
of (pre-)transitional disks, particularly using Spitzer IRS,
IRAC, and MIPS.

SED classification

A popular method of identifying transitional disks is to
compare individual SEDs to the median SED of disks in the
Taurus star-forming region (Fig. 1, dashed line in panels).
The median Taurus SED is typically taken as representative
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A&A 585, A58 (2016)

Fig. 1. ALMA observations of the continuum, 13CO and C18O 3−2 lines of the first three targets. Top left: zero-moment 13CO map. Top middle:
continuum map. Top right: 13CO spectrum integrated over the entire disk. Bottom left: zero-moment C18O map. Bottom middle: first moment
13CO map (velocity map). Bottom right: C18O spectrum integrated over the entire disk. The beam is indicated in each map by a white ellipse in
the lower left corner. The dotted white ellipse indicates the dust cavity radius.

fraction of large grains fls and the scale height of the large grains
χ are used to describe the settling. More details on the star, the

adopted stellar UV radiation, the dust composition, and vertical
structure are given in van der Marel et al. (2015b).

A58, page 4 of 14

A&A 585, A58 (2016)

Fig. 1. ALMA observations of the continuum, 13CO and C18O 3−2 lines of the first three targets. Top left: zero-moment 13CO map. Top middle:
continuum map. Top right: 13CO spectrum integrated over the entire disk. Bottom left: zero-moment C18O map. Bottom middle: first moment
13CO map (velocity map). Bottom right: C18O spectrum integrated over the entire disk. The beam is indicated in each map by a white ellipse in
the lower left corner. The dotted white ellipse indicates the dust cavity radius.
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Fig. 1. ALMA observations of the continuum, 13CO and C18O 3−2 lines of the first three targets. Top left: zero-moment 13CO map. Top middle:
continuum map. Top right: 13CO spectrum integrated over the entire disk. Bottom left: zero-moment C18O map. Bottom middle: first moment
13CO map (velocity map). Bottom right: C18O spectrum integrated over the entire disk. The beam is indicated in each map by a white ellipse in
the lower left corner. The dotted white ellipse indicates the dust cavity radius.

fraction of large grains fls and the scale height of the large grains
χ are used to describe the settling. More details on the star, the

adopted stellar UV radiation, the dust composition, and vertical
structure are given in van der Marel et al. (2015b).
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N. van der Marel et al.: Gas cavities in transitional disks

Fig. 2. ALMA observations of the continuum, the 13CO and C18O 6−5 lines of the fourth target. Top left: zero-moment 13CO map. Top middle:
continuum map. Top right: 13CO spectrum integrated over the entire disk. Bottom left: zero-moment C18O map. Bottom middle: first moment 13CO
map (velocity map). Bottom right: C18O spectrum integrated over the entire disk. The beam is indicated in each map by a white ellipse in the lower
left corner. The dotted white ellipse indicates the dust cavity radius.

Fig. 3. Normalized intensity cuts through the major axis of each disk of
the 13CO 3−2 emission (red) and the dust continuum emission (blue). In
case of IRS 48, the deprojected intensity cut of the minor axis is taken so
as to cover the (asymmetric) continuum profile. The cuts clearly reveal
that the gas cavity radii are smaller than the dust cavity radii.

3.2. Model-fitting approach

The best-fit models from Table 4 in van der Marel et al.
(2015b) were used as initial model for the vertical structure and
dust density structure for SR21 and HD 135344B, based on a
combination of SED, dust 690 GHz continuum visibility, and
12CO 6−5 modeling. These models were fit by eye, starting from
a surface density and cavity size consistent with the millimeter

Fig. 4. Generic surface density profile for the gas and dust.

visibility curve, followed by small adjustments on the inner disk
parameter (δdust) and vertical structure to fit the SED. For the
fit to the 12CO data, the gas surface density was taken initially
assuming a gas-to-dust ratio of 100, and the amount of gas in-
side the cavity was subsequently constrained by varying the δgas
parameter, where Σgas = δgasΣgas for r < rcav. The dust den-
sity inside the cavity (between rgap and rcavdust) was set to be
entirely empty of dust grains. SR21 is an exception: a small
amount of dust was included between 7 and 25 AU, following
van der Marel et al. (2015b). The dust structure of DoAr44 is
analyzed in a similar way in Appendix B through SED and dust
345 GHz continuum visiblity modeling. For IRS 48, we used the
model derived by Bruderer et al. (2014), although we chose to
use an exponential power-law density profile instead of a normal

A58, page 5 of 14

A&A 560, A105 (2013)

Fig. 1. Reflection nebulosity around SAO 206462. First two rows, from left to right: P⊥ image, P∥ image, and P⊥ image with blue and pink stripes
indicating the position of the major and minor axis, respectively. The first row is H band, the second is Ks band. Third row, from left to right:
comparison between the P⊥ image in Ks band and continuum emission from sub-mm observations by Brown et al. (2009), polar mapping of H
and Ks band with angles measured with respect to north. Images are upscaled by a factor 3 to minimize smoothing effects throughout the sub-pixel
data shifting and are scaled with r2 to compensate for stellar light dilution. The color scale is linear and arbitrary. The red central region indicates
the area on the detector with non-linear pixels. Continuum contours are drawn at 3σ intervals starting from 3σ.

calibration. No significant difference in the brightness profile is
found between H and Ks band (apart from the polarized flux be-
ing a factor 2.5− 3 higher in the former than that in the latter).

We average the radial profiles over all angular directions
neglecting any geometrical effect due to the disk inclination.
Since the disk is known to be almost face-on (11◦, Andrews
et al. 2011), we assume that this approach does not introduce
large systematic errors. The azimuthally-averaged profile of both
bands is fitted by a power-law with β = − 2.9± 0.1. However, we
find that a spatially separate fit with a broken power-law pro-
vides a better match. A slope of − 1.9±0.1 is found for the range

0.2′′− 0.4′′ (∼28− 56 AU) and a slope of − 5.7±0.1 (H band) and
− 6.3 ± 0.1 (Ks band) for the range 0.4′′− 0.8′′ (∼56− 114 AU)
(see Fig. 3).

The two spirals are starting from axisymmetric locations on
the rim. The contrast of the spiral with the surrounding disk
varies from 1.5 to 3.0. S1 appears as the most prominent arm.
It covers an angle of ∼240◦ and shows an enhancement to the
SW (almost twice as luminous in surface brightness as the con-
tiguous part of the arm). S2 covers a smaller angle (∼160◦) but
also shows a “knot” (to the SE, factor 1.5 brighter in surface
brightness than the contiguous part of the arm).

A105, page 4 of 10
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Photoevaporation or companions?



and at a position angle orthogonal to that expected from close-in high-
velocity material in Keplerian rotation. Very blueshifted emission
could reach out to 0.2 arcsec from the star (channel at 22.4 km s21

in Supplementary Fig. 2, taking into account the beam). A blueshifted
CO(3–2) high-velocity component can also be seen at the base of this
feature, near the star (at 22.1 km s21 in Supplementary Fig. 5).

The non-Keplerian HCO1 is probably not consistent with a central
outflow. Stellar outflows are not observed27 in disks with inner cavities
and no molecular envelopes (that is, transition disks). For an outflow
orientation, the low velocities measured by the lines imply that the
filaments in HD 142527 would stand still and hover above the star
(Supplementary Information, section 3). Even the blueshifted emis-
sion is slow by comparison with the escape velocity. A slow disk wind
(for example one photoevaporative or magnetically driven) can also be
excluded on the basis of the high collimation shown by the HCO1

emission. Indeed, the CO 4.67-mm emission seen in the inner disk26 is
purely Keplerian, it does not bear the signature of the disk winds seen
in other systems and its orientation is the same as that of the outer
disk. An orthogonal inner disk can also be discounted on dynamical
grounds (Supplementary Information, section 3).

It is natural to interpret the filaments as planet-induced gap-
crossing accretion flows, or ‘bridges’. Because the eastern side is the
far side, the blueshifted part of the eastern bridge is directed towards
the star and is a high-velocity termination of the accretion flow onto
the inner disk. These bridges are predicted by hydrodynamical simula-
tions when applied to planet-formation feedback in HD 142527 (ref. 7).
In these simulations, the bridges straddle the protoplanets responsible
for the dynamical clearing of the large gap in HD 142527. They are
close to Keplerian rotation in azimuth, but have radial velocity com-
ponents of>0.1 of the azimuthal components. In our data, we see that
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Figure 1 | ALMA observations of HD 142527, with a horseshoe dust
continuum surrounding a gap that still contains gas. We see diffuse CO gas
in Keplerian rotation (coded in Doppler-shifted colours), and filamentary
emission in HCO1, with non-Keplerian flows near the star (comparison
models illustrative of Keplerian rotation are shown in Supplementary
Information). The near-infrared emission abuts the inner rim of the horseshoe-
shaped outer disk. The star is at the origin of the coordinates. North is up and
east is to the left. a, Continuum at 345 GHz, with specific intensity units in
Janskys per beam. It is shown on an exponential scale (colour scale). A beam
ellipse is shown in the bottom right of b, and contours are drawn at 0.01, 0.1, 0.3,
0.5, 0.75 and 0.9 times the peak value. The noise level is 1s 5 0.5 mJy per beam.
b, CO(3–2) line intensity shown by white contours at fractions of 0.3, 0.5, 0.75
and 0.95 of the peak intensity value, 2.325 3 10220 W per beam. The underlying
red–green–blue image also shows CO(3–2) line intensity, but integrated in
three different velocity bands, whose velocity limits are indicated in the spectra
of Supplementary Fig. 8. c, Near-infrared image from Gemini that traces
reflected stellar light, shown on a linear scale. We applied a circular intensity
mask to the stellar glare, some of which immediately surrounds the mask. See

Supplementary Fig. 1 for an overlay with the continuum. d, HCO1(4–3) line
intensity shown by white contours at fractions of 0.1, 0.3, 0.5, 0.75 and
0.95 of the peak intensity value, 0.40 3 10220 W per beam, overlaid on a
red–green–blue image of HCO1 intensity summed in three different colour
bands (see Supplementary Fig. 8 for definitions). Insets show magnified views
of the central features that cross the dust gap. The cross indicates the star at the
origin, with a precision of 0.05 arcsec, and the arrows point at the filaments.
Inset to a: same as in a, with a narrow exponential scale highlighting the
gap-crossing filaments. These features appear to grow from the eastern and
western sides of the horseshoe. Contours are at 0.0015 and 0.005 Janskys per
beam. Inset to d: deconvolved models (Supplementary Information) of the
HCO1 emission (green) at velocities where the gap-crossing filaments are seen,
that is, from 3.2 to 4.3 km s21. Intensity maps for the blue and red velocity
ranges (see Supplementary Fig. 8 for definitions) are shown in contours, with
levels at 0.5 and 0.95 times the peak values. These red and blue contours are an
alternative way to present the intensity field shown in d, but deconvolved for
ease of visualization.
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Flows of gas through a protoplanetary gap
Simon Casassus1, Gerrit van der Plas1, Sebastian Perez M1, William R. F. Dent2,3, Ed Fomalont4, Janis Hagelberg5, Antonio Hales2,4,
Andrés Jordán6, Dimitri Mawet3, Francois Ménard7,8, Al Wootten4, David Wilner9, A. Meredith Hughes10, Matthias R. Schreiber11,
Julien H. Girard3, Barbara Ercolano12, Hector Canovas11, Pablo E. Román13 & Vachail Salinas1

The formation of gaseous giant planets is thought to occur in the
first few million years after stellar birth. Models1 predict that the
process produces a deep gap in the dust component (shallower in
the gas2–4). Infrared observations of the disk around the young star
HD 142527 (at a distance of about 140 parsecs from Earth) found
an inner disk about 10 astronomical units (AU) in radius5 (1 AU is
the Earth–Sun distance), surrounded by a particularly large gap6

and a disrupted7 outer disk beyond 140 AU. This disruption is indi-
cative of a perturbing planetary-mass body at about 90 AU. Radio
observations8,9 indicate that the bulk mass is molecular and lies
in the outer disk, whose continuum emission has a horseshoe
morphology8. The high stellar accretion rate10 would deplete the
inner disk11 in less than one year, and to sustain the observed
accretion matter must therefore flow from the outer disk and cross
the gap. In dynamical models, the putative protoplanets channel
outer-disk material into gap-crossing bridges that feed stellar
accretion through the inner disk12. Here we report observations
of diffuse CO gas inside the gap, with denser HCO1 gas along gap-
crossing filaments. The estimated flow rate of the gas is in the range
of 7 3 1029 to 2 3 1027 solar masses per year, which is sufficient to
maintain accretion onto the star at the present rate.

The HD 142527 system offers an unhindered view of its large central
gap, and is a promising ‘laboratory’ in which to observe the ongoing
formation of gaseous giant planets. The orientation of the disk is well
understood. Multiwavelength data are consistent with an inclination
of about 20u, indicating that the disk is almost face-on to our line of
sight11. The disk position angle is about 220u east of north, and the
eastern side is the far side of the disk, as suggested by a clear view of the
outer disk’s inner rim in the mid-infrared spectral range11,13 and by a
clockwise rotation suggested by what is probably a trailing spiral arm
to the west6.

We find that the CO(3–2) emission (that is, emission of CO with
J 5 3–2, where J is the CO rotational quantum number) peaks inside
the gap. Other disks have been observed to have a CO decrement
within dust cavities14,15, and may represent later evolutionary stages
or different gap-clearing mechanisms. Gas inside dust cavities has
previously been directly observed very close to the central star (inside
the dust evaporation radius) using near-infrared interferometry16–18.
Other indirect observations of gas inside19–23 dust gaps at larger dis-
tances from the central star have revealed spectroscopically resolved
gas tracers, such as rovibrational CO emission at a wavelength of
4.67mm and [O I] emission at 6,300 Å, under the assumption of
azimuthal symmetry and Keplerian rotation. Spectro-astrometry in
combination with Keplerian disk models and azimuthal symmetry
have also been used to infer the presence of CO gas inside disk
gaps24–26. Our data provide a well-resolved observation of gas at sub-
millimetre wavelengths inside a dust gap.

The dust gap that we see in the radio continuum (Fig. 1a) indicates
a decrease by a factor of at least 300 in the surface density of millimetre-
sized grains, judging from the contrast ratio between the peak on the
horseshoe-shaped outer disk (the northern flux peak at 360 mJy per
beam) and the faintest detected signal inside the gap (namely the
western filament at 1 mJy per beam; see below). Yet there is no
counterpart in the CO(3–2) map (Fig. 1b) of the arc that we see in
the radio continuum. CO(3–2) is probably optically thick, as reflected
by its diffuse morphology, so that it traces the temperature profile
rather than the underlying density field. Detailed modelling of optical-
ly thin isotopologue data is required to constrain accurately the depth
of the gaseous gap. To study the distribution of dense gas inside the
gap, we use the tracer HCO1.

The second result from our observations is that gas showing
HCO1(4–3) emission, expected in the denser regions (molecular
hydrogen number density, nH2 < 106 cm23) exposed to ultraviolet
radiation, is indeed found in the exposed rim of the dense outer disk,
but also along gap-crossing filaments. The most conspicuous filament
extends eastwards from the star, and a fainter filament extends west-
wards. Both filaments subtend an angle of about 140 6 10u with the
star at its vertex. The central regions of these filaments correspond
to the brightest features in the HCO1 line intensity maps (Fig. 1c),
although the outer disk is brighter in peak specific intensity (Sup-
plementary Fig. 7). Thus, line velocity profiles are broader on the stellar
side of the filaments than in the outer disk, where they merge with the
outer-disk Keplerian rotation pattern. These narrow, systemic-velocity
HCO1 filaments are best seen in intensity maps integrated over
the filament velocities (Fig. 1d, inset). No central peak is seen in the
channel maps (Supplementary Fig. 2), and so a beam-elongation effect
can be ruled out. The eastern filament also is notable in terms of peak
HCO1 specific intensity (Supplementary Fig. 7e). For ease of visuali-
zation, we show deconvolved models of the HCO1 intensity images in
the inset to Fig. 1d. A related feature is seen in CO(3–2) emission,
whose intensity peaks in the more diffuse regions surrounding the
eastern HCO1 filament. We note from the inset to Fig. 1 that the
continuum also shows features under the HCO1 filament. These fea-
tures are faint and grow away from the edges of the horseshoe-shaped
outer disk. Estimates of physical conditions are given in Supplemen-
tary Information.

The molecular and filamentary flows near the star are non-
Keplerian. Blueshifted emission extends to the east from the central
intensity peak (Fig. 1d). This velocity component is broad near the star,
with emission ranging from 23.4 to 111 km s21 (Supplementary
Fig. 2), and is marginally resolved (the central HCO1 peak extends
over about 0.65 3 0.38 arcsec2). In the deconvolved images of the inset
to Fig. 1d, the peak intensity in the blue- and red-outlined regions are
separated by about 0.2 arcsec, that is, by the diameter of the inner disk,
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Figure 8. Summary of Cycle 0 band 7 observations, from MEM
maps, with continuum in red, HCO+(4-3) in green, and CO(3-2)
in blue. Velocities have been restricted to highlight the fainter
structures seen in HCO+, which are otherwise dwarfed by the fast
HCO+ central emission.

ing the UV radiation required to produce HCO+ in the
cavity, resulting in HCO+ filaments with wide opening
angles, as opposed to the thin protoplanetary stream-
ers predicted in hydrodynamic simulations. A problem
with this interpretation is that the outer ring is fairly
round in HCO+, there are no obvious counterparts in
HCO+ of the scattered-light shadows. Perhaps this re-
flects a di↵erent production chain for HCO+ in the outer
disk, where it could be driven by charge-exchange with
cosmic-ray induced H+

3 .

5. CONCLUSION

The new CO(6-5) data, along with the orientation of
the disk inferred from the scattered light shadows, have

allowed us to understand the intra-cavity kinematics in
HD 142527. Stellocentric accretion, starting from the
outer disk and reaching close to free-fall velocities, with
a steady-state mass flow fixed at the observed stellar
accretion, is consistent with the bulk properties of the
available CO isotopologue data. The observed HCO+

flows are also consistent with this stellocentric accretion,
but with an emissivity that is somehow modulated in az-
imuth. Fine structure in CO(6-5) also suggests non-axial
symmetry inside the cavity.
While the data are consistent with a continous, yet

abrupt and fast warp linking the two non-coplanar disks,
further observations are required to understand the de-
tailed structure of the intra-cavity kinematics and the
inner warp. For instance, the large relative inclination
observed between the inner and outer disks suggests that
the fast accretion could be due to disk tearing. If the
low-mass companion is contained in the inner disk and
is breaking the disks, then its orbit would also be highly
inclined with respect to the outer massive disk. The com-
panion may then undergo Kozai oscillations, with high-
eccentricity periods that may perhaps explain the large
cavity.

Based on observations acquired at the ALMA Observa-
tory, through program ALMA#2011.0.00465.S. ALMA is
a partnership of ESO, NSF, NINS, NRC, NSC, ASIAA.
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1130949, 1141175, 3140601, 3140634, 3140393. S.M.
acknowledges CONICYT-PCHA / Magister Nacional /
2014-22140628. PR and VM acknowledge support from
CONICYT-ALMA grant alma-conicyt 31120006. AD ac-
knowledges CONICYT-ALMA grant 31120007. PJA ac-
knowledges support from NSF award AST 1313021. MM
acknowledges CONICYT-Gemini grant 32130007. This
work was partially supported by the Chilean supercom-
puting infrastructure of the NLHPC (ECM-02).

APPENDIX

OBSERVATIONS

ALMA CO(6-5) data

Details on the instrumental setup are described in a companion article on the continuum emission (Casassus et al.
2015). We used self-calibration to improve the dynamic range of the continuum images. Applying the same gain
corrections to the line data also resulted in improved dynamic range. Before self calibration, the peak signal in the
systemic velocity channel reached 0.42 Jy beam�1, in natural weights (beam of 0.3000 ⇥ 0.2500), with a noise level of
0.08 Jy beam�1 clearly dominated by systematics rather than thermal noise. After self calibration, the peak signal
increased to 0.67 Jy beam�1, while the rms noise level decreased to 0.04 Jy beam�1.
Continuum subtraction under CO(6-5) was performed with a first-order fit to the continuum in the visibility domain.

The subset of channels neighboring the line was then split o↵ into another datafile, and subsequently re-sampled in
frequency into the LSRK frame.
The CO(6-5) dataset is presented in channel maps in Figs. 9 and 10, with three-channel bins. We chose to present

both the restored image and the underlying MEM model.
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Fig. 1.— Final Q� and U� images, shown in the same stretch (r2 scaling normalized to peak intensity and using a square-root stretch,
2015 and 2016 data combined). Top two panels: Entire field of view. Bottom two panels: Same data, but zoomed in to the inner regions
and enhanced (see color bar). Orange hues denote positive, blue hues negative values. The red X marks the position of the primary, the
small green X the position of the secondary (latest published position of May 12, 2014, Lacour et al. (2016), separation 77.2 mas). Data
within our inner working angle of 25 mas has been masked out. Note the square-root stretch, which reduces overall contrast, but better
shows faint features of the disk and also enhances the visibility of noise in the U� images.

of 3s per frame, very slightly saturating the PSF core
(2s and no saturation for the 2016 data). The data were
taken using the P2 polarimetric mode (field stabilized) of
ZIMPOL in 2015, and using the P1 (not field stabilized,
i.e. the field rotates) and P2 modes for equal amounts of
time in 2016 (this was done in order to compare the per-
formance of the P1 and P2 modes for ZIMPOL). The in-
strument was set up to maximise the flux on the detector
while enabling the study of the very smallest separations
(down to ⇠25 fmas) and the gap of the disk as deeply
as possible. The setup is not optimised for a high-SNR
detection of the outer disk.
In order to minimize suspected systematic e↵ects close

to the star (see section 3.2), images were taken in four
blocks with di↵erent de-rotator angles in 2015 (0, 35,
80, 120 degrees). In 2016, the two polarimetric modes
used naturally gave two di↵erent field rotations, with the
field slightly rotating (⇠4 degrees) in the P1 mode. The
P1 and P2 mode observations were interleaved, with 3

blocks for each. For each of these blocks, the number of
integrations (NDIT) was set to 14 (18 for the 2016 data),
with the number of polarimetric cycles (NPOL) set to 6
(5 and 4 for the two last rotations after frame selection,
6 for the 2016 data). Using the QU cycle (full cycle of all
four half-wave plate rotations), this adds up to a total
on-source integration time of 3528s (3s * 14 (NDIT) *
(6+6+5+4 (NPOL)) * 4 (HWP rotations)) in 2015 and
5184s (2s * 18 (NDIT) * 6 (NPOL) * 4 (HWP rotations)
* 3 (blocks) * 2 (P1+P2)) in 2016, for a grand total of
8712s (2h 25.2min) of on-source integration time in both
epochs combined.
The most critical step in PDI is the centering of the in-

dividual frames. ZIMPOL data are special because of the
way the detectors work (see Thalmann et al. 2008, and
the SPHERE user manual). The pixels cover an on-sky
area of 7.2mas x 3.6mas each. The stellar position is de-
termined before re-scaling the images by fitting a skewed
(i.e. elliptical) 2-dimensional Gaussian to the peak. The
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Fig. 1.— Final Q� and U� images, shown in the same stretch (r2 scaling normalized to peak intensity and using a square-root stretch,
2015 and 2016 data combined). Top two panels: Entire field of view. Bottom two panels: Same data, but zoomed in to the inner regions
and enhanced (see color bar). Orange hues denote positive, blue hues negative values. The red X marks the position of the primary, the
small green X the position of the secondary (latest published position of May 12, 2014, Lacour et al. (2016), separation 77.2 mas). Data
within our inner working angle of 25 mas has been masked out. Note the square-root stretch, which reduces overall contrast, but better
shows faint features of the disk and also enhances the visibility of noise in the U� images.

of 3s per frame, very slightly saturating the PSF core
(2s and no saturation for the 2016 data). The data were
taken using the P2 polarimetric mode (field stabilized) of
ZIMPOL in 2015, and using the P1 (not field stabilized,
i.e. the field rotates) and P2 modes for equal amounts of
time in 2016 (this was done in order to compare the per-
formance of the P1 and P2 modes for ZIMPOL). The in-
strument was set up to maximise the flux on the detector
while enabling the study of the very smallest separations
(down to ⇠25 fmas) and the gap of the disk as deeply
as possible. The setup is not optimised for a high-SNR
detection of the outer disk.
In order to minimize suspected systematic e↵ects close

to the star (see section 3.2), images were taken in four
blocks with di↵erent de-rotator angles in 2015 (0, 35,
80, 120 degrees). In 2016, the two polarimetric modes
used naturally gave two di↵erent field rotations, with the
field slightly rotating (⇠4 degrees) in the P1 mode. The
P1 and P2 mode observations were interleaved, with 3

blocks for each. For each of these blocks, the number of
integrations (NDIT) was set to 14 (18 for the 2016 data),
with the number of polarimetric cycles (NPOL) set to 6
(5 and 4 for the two last rotations after frame selection,
6 for the 2016 data). Using the QU cycle (full cycle of all
four half-wave plate rotations), this adds up to a total
on-source integration time of 3528s (3s * 14 (NDIT) *
(6+6+5+4 (NPOL)) * 4 (HWP rotations)) in 2015 and
5184s (2s * 18 (NDIT) * 6 (NPOL) * 4 (HWP rotations)
* 3 (blocks) * 2 (P1+P2)) in 2016, for a grand total of
8712s (2h 25.2min) of on-source integration time in both
epochs combined.
The most critical step in PDI is the centering of the in-

dividual frames. ZIMPOL data are special because of the
way the detectors work (see Thalmann et al. 2008, and
the SPHERE user manual). The pixels cover an on-sky
area of 7.2mas x 3.6mas each. The stellar position is de-
termined before re-scaling the images by fitting a skewed
(i.e. elliptical) 2-dimensional Gaussian to the peak. The
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Figure 1. Schematic view with arbitrary orientation of the parametric model
presented in Section 2. The central star is placed at the origin. The outer disk lies
in the x–y plane. The angle α is the relative inclination between the midplane of
the outer disk and the plane of the inner disk. The dust mass density distribution
of the inner disk and outer disk sections are rendered in false color. The gap is
shown devoid of material for simplicity. The inner disk is scaled up in size and
density for better visualization.

amorphous carbon and silicate grains with sizes between 1.0 to
10.0 µm. The total dust mass of this section is 1.0 × 10−8 M⊙.
The disk in this section connects the inner and outer regions
varying the inclination linearly from 70◦ to 0◦ between 10 and
15 AU, where it matches the outer disk orientation. A larger
warp would have been obvious in the 12CO kinematics inside
the gap (Perez et al. 2014), with a concomitantly larger region
where the inclination crosses the plane of the sky.

Finally, the outer disk extends over 115 AU to 300 AU with
a rounded disk wall between 115 to 140 AU. It is composed of
3.0 × 10−6 M⊙ of amorphous carbon grains with sizes ranging
from 1 to 10 µm and 1.0 × 10−2 M⊙ of silicate grains with sizes
ranging from 100 µm to 5 cm. The dust masses inferred in our
models are biased by the lack of grain porosity. The resulting
dust masses are also directly affected by uncertainties on the
internal densities.

We assume that the small grains that account for the bulk of the
near-IR opacity approximately follow the gas background, and
we define an axisymmetric gas distribution with a rounded disk
wall (Mulders et al. 2013; Lubow & D’Angelo 2006) described
by the following surface density:

Σ̄g(r < rc) = Σc
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where γ = 6, w = 0.1, and rc = 148.0 AU. Then we modulate
this distribution to create a maximum gas pressure in azimuth,
which is described by the following equations:

Σg(r,φ) = Σ̄g(r)
%
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φ +
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'(
, (3)
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*
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with Rs = 148 AU and where the azimuthal contrast in surface
density is set to c = 10.0. The volume density follows with a
standard vertical Gaussian distribution:

ρg(r, z,φ) = Σg(r,φ)
√

2πH
exp

)
− z2

2H 2

*
, (5)

with H (r) = 20.0(r/(130 AU))1.17. The exact value of this
flaring exponent is not well constrained.

This parametric model also includes the effect of dust
trapping, following the procedure described in Birnstiel et al.
(2013) and Pinilla et al. (2012). However, the bulk of the opacity
in the H band is driven by particles well below the sizes required
for efficient aerodynamic coupling, and so the effects of dust
trapping in the outer disk are not relevant to this report. The
runs detailed in Section 3 confirm that the outer disk is optically
thick at the H band and that the scattered light does not trace the
crescent shape seen in the submillimeter.

2.1.1. Emergent intensities

We use radmc3d3 for radiative transfer computations (ver-
sion 0.38; Dullemond et al. 2014). Scattering and polarization
for the last scattering are treated with scattering matrices for our
different dust species, each one with a power-law distribution in
grain sizes with an exponent of −3.5. To compute the full dust
opacity and scattering matrices, we made use of complementary
codes in RADMC3D and a code from Bohren & Huffman (1983)
for “Mie solutions” to scattering by homogeneous spheres. We
used the optical constant tables for amorphous carbon grains
from Li & Greenberg (1997), and for silicate grains we used
Henning & Mutschke (1997).

We implemented our model in RADMC3D using spherical
coordinates, with regular spacing for the azimuthal angle and
logarithmic spacing in radius and colatitude (polar coordinate).
Thus, the grid is naturally refined near the inner disk and the
midplane. The radial grid is additionally refined as it approaches
the inner wall of the outer disk (near 140 AU) to ensure a gradual
transition from the optically thin gap to the optically thick outer
disk. We used 106 cells in total, half of them covering the inner
disk and gap and the rest sampling the outer disk. The number
of points in the radial, azimuthal, and polar grid meshes is
100 each.

As proposed by Fujiwara et al. (2006), the eastern side is
probably the far side since it is broader and brighter in the
thermal IR. This orientation also implies that the observed IR
spiral pattern is consistently trailing (Fukagawa et al. 2006;
Casassus et al. 2012; Canovas et al. 2013; Avenhaus et al.
2014), even in their molecular line extensions into the outer disk
(Christiaens et al. 2014). Hence, we calculated the synthetic H-
band images by inclining the system at 24◦ with respect to the
plane of the sky,4 along a position angle (P.A.) of −20◦.

3. RESULTS

In order to constrain the P.A. of the inner disk and α, its
inclination with respect to the outer disk, we studied different
orientations while trying to reproduce the shape and position
of the nulls seen in scattered and polarized light. In Figure 2,
we summarize the radiative transfer predictions of five different
configurations. P.A.s much different from −8 are ruled out, as
even a P.A. of 0◦ (see Figure 2(e)) displaces the southern shadow

3 http://www.ita.uni-heidelberg.de/∼dullemond/software/radmc-3d/
4 The outer disk defines the plane of the system.

2
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Figure 7. Comparison of observed and model CO(6-5) kinematics in the central regions of HD 142527. The origin of coordinates is set to
the stellar position. Velocity-integrated intensity in CO(6-5) is shown in grey scale. The colored contours for vlsr have constant interval and
are spread over [0.21, 7.87] km s�1 (as in Fig. 1). a): Observed moment maps extracted on the MEM datacubes. b): moments extracted on
the radiative transfer prediction, after smoothing to the resolution of the MEM datacubes. c): same as b) but in native model resolutions,
without smoothing. Regions without contours near the origin correspond to higher velocities. d): same as b) but with a slow velocity
component perpendicular to the disk plane (vwarp in the text).

dubbed disk tearing (Nixon et al. 2013; Nealon et al.
2015; Doğan et al. 2015), where nodal precession torques
induced by the binary produce a warp at the inner edge
of the disk. If the disk is unable to communicate the
warp e�ciently, then the disk will e↵ectively break at
some radius Rbreak. Annuli of gas then begin to tear
o↵ of the inner edge and can precess freely, undergo-
ing self-interaction and angular momentum cancellation
causing a subsequent infall of gas driving very high ac-
cretion rates (Nixon et al. 2012).
To date this process has primarily been studied in the

thin-disk regime appropriate for black hole accretion,
where the dimensionless viscosity parameter is larger
than the disk aspect ratio, i.e. ↵ > H/R (Nixon et al.
2012, 2013). Nevertheless it has also been shown to work
in the thick-disk regime where ↵ < H/R (Nealon et al.
2015), which is more likely to hold true for circumstellar
disks like HD 142527.
It is possible to estimate a value for the radius Rbreak

at which disk tearing will occur (see Eq. A3 of Nixon
et al. 2013) using the parameters of the disk and binary.
With appropriate values for HD 142527, we expect that
the disk could break at Rbreak ⇠ a, where a is the binary
semimajor axis. However, Nealon et al. (2015) found a
consistent o↵set between the estimated minimum value
and the true breaking radius in a series of SPH simu-
lations, by a factor of 2–3. Estimates of a ⇠ 15 AU
are therefore entirely consistent with a breaking radius
of 30 AU, as demanded by our model. However, as this
is likely very sensitive to the parameters of the system a
more quantitative comparison of this scenario with the
observed data is out of the scope of this paper, requiring
the development of targeted numerical simulations.
We also note that while this scenario seems to ade-

quately explain both the inner warp and the free-falling
velocities, it does not explain the presence of the ⇠
130 AU cavity in the system. This should not be sur-
prising, given the large di↵erence in scale between the
warp and the cavity (and therefore di↵erent timescales
associated with physical processes at these radii), but
means that the model is not yet a complete description
of the system.

4.4. Long term Kozai oscilations and the large cavity

The dynamical influence of the low-mass companion on
its current orbit will not extend out to the 100 AU scale
needed to explain the large extent of the cavity. It is
possible, however, that its orbit may have changed over
time. The highly inclined orbit of the companion relative
to that of the massive outer disk could trigger Kozai os-
cillations (Teyssandier et al. 2013), with a period of the
order of 105 yr if the outer disk has a mass of 0.1 M�.
A Kozai cycle would result in (damped) oscillations be-
tween the current inclined circular orbit, and a highly
eccentric coplanar orbit which would perturb the disk
out to greater radii. Numerical simulations are needed
to determine if such a cycle is possible in HD 142527.

4.5. Non-axial symmetry in the cavity. Signature of

obscured planets?

Observationally we cannot test directly for past copla-
nar eccentric orbits, as in the Kozai oscilations, but we
can instead look for other mechanisms that could account
for the clearing, such as additional bodies at ⇠100 AU.
Stringent limits are available (Casassus et al. 2013c),
⇠4 Mjup bodies should have been detected unless they
are obscured.
An interesting feature of the Cycle 0 HCO+(4-3) data

is the faint filament crossing the cavity to the East, at
low velocites, with perhaps another filament to the West
(see Fig. 8 for a summary, Casassus et al. 2013c). It is
tempting to associate these HCO+ features with planet-
induced accretion flows, i.e. gaseous streamers due to ob-
scured protoplanets inside the cavity, that feed the faster
flows at the disk breaking radius. As the critical density
for the excitation of HCO+(4-3) is nH2 ⇠ 106 cm�3, and
higher than the CO(3-2) critical density of ⇠ 103 cm�3,
in the streamer interpretation the HCO+ filaments and
high-velocity flows would trace the densest regions of the
general accretion flow across the gap, which is also re-
flected in the ‘twisted’ CO kinematics. If the free-falling
accretion is initially fed by planet accretion at ⇠ 100AU,
there should be corresponding azimuthal modulations of
the H2 density field. Perhaps this is reflected in the struc-
ture of the faint, low-velocity HCO+(4-3) inside the cav-
ity.
An alternative to azimuthal modulations of the H2 den-

sity field in the cavity, is that only the abundance of
HCO+ is modulated. The tilted inner disk is shadow-

“FAST RADIAL FLOWS” = DISC TEARING?
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Figure 5. Radial cuts for the surface density profiles (red) and
magnitude of the radial velocity component (blue). The CO abun-
dance is modulated with a Gaussian taper inside 30 AU, to account
for photo-dissociation.

Figure 6. Intensity maps (moments 0) extracted from the
RADMC3D predictions, after smoothing to the resolution of the
deconvolved CO(6-5) datacubes.

the cavity ‘twist’ with the inner disk, corresponding to
the loci of bluest and redest velocities in Fig. 7 b. These
ridges are missing in the model without vwarp (Fig. 7d).

4. DISCUSSION

4.1. Ro-vibrational CO

The CRIRES observations by Pontoppidan et al.
(2011) assign bright rovib CO to an inner disk, with
similar inclination as the outer disk but o↵set in PA, at
61± 3� - so within uncertainties coincident with the di-
rection of the high-velocity HCO+. The total line-widths
in CO(v=1-0) at 4.67µm, at zero-intensity, are close to

⇠40 km s�1 (Pontoppidan et al. 2011). With a spectroas-
trometric o↵set of only 0.2 AU, CO(v=1-0) is either fairly
uniform or else confined to the central few milli-arcsec.
We check the astrometric signal of a modified version

of our disk model and find it to be in agreement with the
spectro-astrometric CRIRES observations. We take the
predicted CO(6-5) emission and transform the intensity
with an 1/r↵ mask to mimic the CO ro-vibrational emis-
sion, which traces higher temperatures and emits closer
to the star compared to the CO rotational lines. We
manually add continuum emission scaled to reproduce a
line to continuum ratio of 1.1, as in the observed rovibra-
tional CO, and convolve with a 0.192” FWHM Gaussian
to mimic the PSF of the AO-assisted CRIRES observa-
tions. After superimposing a 0.2” arcsecond wide slit
positioned at 150 degrees, we recover a line profile and
spectro-astrometric signal similar in shape and magni-
tude to that reported by Pontoppidan et al. (2011) when
using ↵ ⇠ 2.5.

4.2. What about an outflow?

The orientation of the disk is well known. As explained
in Secs. 1 and Sec. 3.1, the shadows seen in scattered
light imply that the inclination of the outer disk is such
that the far side lies to the East. The Eastern side being
brighter in the mid-IR is also in support of this orienta-
tion (Fujiwara et al. 2006). In addition several near-IR
spirals have been found that are all consistently trailing
(Fukagawa et al. 2006b; Casassus et al. 2012; Canovas
et al. 2013; Avenhaus et al. 2014), even in their radio
extensions into the outer disk (Christiaens et al. 2014).
Given this orientation, we can rule out an outflowing
disk wind: the velocity component orthogonal to the disk
would broaden the lines and preserve reflection symme-
try about the outer disk PA, while the radial component
in the plane of the disk would twist the kinematics in the
opposite direction than observed.

4.3. Origin of the free-falling velocities

The radial velocity in a warped viscous disk is pre-
dicted to be greater than in a flat disk (Pringle 1992), but
is not expected to exceed the sound speed cs = (h/r)vK .
Supersonic disk inflow is in principle possible in re-
gions of the disk that lose angular momentum rapidly
through a magnetized wind, rather than via internal vis-
cous transport, though whether this can occur without
equally rapid mass loss (for which there is no evidence
in HD 142527) is not clear. Alternatively, the free-fall
velocity signal could be a consequence of strong dynam-
ical perturbations. If the low-mass companion detected
in the system (Biller et al. 2012; Close et al. 2014) is mis-
aligned to the outer disk in the same way as the inner
disk, which is known to be inclined by 70� (Marino et al.
2015), then an observable dynamical impact is highly
likely. The alignment of the companion in the plane of
the inner disk seems a natural way to explain the incli-
nation of the inner disk itself. Miranda & Lai (2015)
have recently shown that large o↵sets between the or-
bital planes of circumprimary disks and the plane of the
binary can be stable for several Myrs, longer than the
expected lifetime of the disk.
It has been shown recently that such strongly mis-

aligned binary-disk systems can undergo a process

Require infall motions from cavity edge  
at the free-fall velocity!
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Almost polar alignment of binary to disc! c.f. Aly et al. (2015), Martin & Lubow (2017)

Reproduces 
almost all of the 

weird 
observational 

features in 
HD142527



SUMMARY

➤ Every disc imaged so far shows signs of interaction with 
already-formed planets or low mass companions* 

➤ Lots of discs similar to HD142527 - disturbed morphologies, 
asymmetries, spirals. Suggests highly misaligned, eccentric 
companions are common?* 

➤ Discs with holes telling us about chaotic star formation - how 
discs are born - not how they die* 

➤ Suggests planet formation is FAST not slow*

* This is controversial



NEW VIEW?

Star formation (10 Myr) Planet formation (5-10 Myr)
Transitional 

phase Planets

Time

Star formation 
(1-2 Myr)

Planet formation 
(1-2 Myr)

Planets
Tran
sitio

Hypothesis: Star and planet formation 
are both fast, dynamical processes



Lodato & Price (in prep)

➤ Expect lots more discs with companions on wild orbits 

➤ Discs around more massive stars should be more disturbed 

➤ Rings and gaps will be found everywhere 

➤ Tidal encounters common!

PREDICTIONS:

Credit: Nicolás Cuello

Reminds us 
of galaxy 

formation!


