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L183
Crutcher et al.  (1993)

Blos < 16 µG

Crutcher et al.  (2003)

Bpos ! 80 µG

n(H2) ! 3 ! 105, N(H2) ! 3 ! 1022, 

Bpos ! 80 G, " ! 2.6

"VNT ! 0.7 Alfvenic

n(H2) ! 1 ! 103, N(H2) ! 3 ! 1021, 

Blos < 16 G, " > 1.4

•star formation regions 
observed to contain 
magnetic fields of 
significant strengths

•want to determine their 
role in the star formation 
process

Motivation

Credit: Burrows/STSci/HST

Credit: NASA/C.R. O’Dell & S.K.Wong/HST



Credit: J. Hatchell (Exeter)

Star formation is clustered!



Credit: J. Hatchell (Exeter)

Perseus 
molecular 

cloud

Star formation is clustered!



Dynamical models of star formation
e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 

Bate & Bonnell (2005)



Dynamical models of star formation
e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 

Bate & Bonnell (2005)



Dynamical models of star formation

• naturally explain multiplicity / binary 
fraction and clustering of star formation

e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 
Bate & Bonnell (2005)



Dynamical models of star formation

• naturally explain multiplicity / binary 
fraction and clustering of star formation

• reproduce gross characteristics (slope, 
low mass turnover) of the IMF. Masses 
determined by “competitive accretion”.

e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 
Bate & Bonnell (2005)



Dynamical models of star formation

• naturally explain multiplicity / binary 
fraction and clustering of star formation

• reproduce gross characteristics (slope, 
low mass turnover) of the IMF. Masses 
determined by “competitive accretion”.

• BUT star formation efficiency too high 
(all gas would eventually form stars).

e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 
Bate & Bonnell (2005)



Dynamical models of star formation

• naturally explain multiplicity / binary 
fraction and clustering of star formation

• reproduce gross characteristics (slope, 
low mass turnover) of the IMF. Masses 
determined by “competitive accretion”.

• BUT star formation efficiency too high 
(all gas would eventually form stars).

• produce too many brown dwarfs.

e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 
Bate & Bonnell (2005)



Dynamical models of star formation

• naturally explain multiplicity / binary 
fraction and clustering of star formation

• reproduce gross characteristics (slope, 
low mass turnover) of the IMF. Masses 
determined by “competitive accretion”.

• BUT star formation efficiency too high 
(all gas would eventually form stars).

• produce too many brown dwarfs.

• discrepancy with molecular cloud 
lifetimes?

e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 
Bate & Bonnell (2005)



Dynamical models of star formation

• naturally explain multiplicity / binary 
fraction and clustering of star formation

• reproduce gross characteristics (slope, 
low mass turnover) of the IMF. Masses 
determined by “competitive accretion”.

• BUT star formation efficiency too high 
(all gas would eventually form stars).

• produce too many brown dwarfs.

• discrepancy with molecular cloud 
lifetimes?

• observations indicate magnetic fields 
cannot be ignored!

e.g. Bate, Bonnell & Bromm (2003), Bonnell, Bate & Vine (2003), 
Bate & Bonnell (2005)
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Smoothed Particle (Magneto)hydrodynamics 

2h

Gingold & Monaghan (1977), Phillips & Monaghan (1985), Price (2004), Price & Monaghan (2004a,b,2005)

solve the equations 
of MHD on moving, 

Lagrangian particles
ρ(r) =

N∑

j=1

mjW (|r − rj |, h)
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BUT: helicity constraints (A.B = const): cannot represent certain fields. Field growth 
suppressed once clear mapping from initial to final particle distribution is lost



Mach 25 MHD shock (e.g. Balsara 1998)

Current loop advection (e.g. Gardiner & Stone 2007)

Orszag-Tang vortex (everyone)

Test problems

(Price & Monaghan 2004a,b, Price 2004)

(Price & Monaghan 2005, Rosswog & Price 2007)

(Rosswog & Price 2007)
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The impact of magnetic fields on single and binary star formation 11

Figure 9. Results of binary star formation calculations using a magnetic field initially oriented perpendicular to the rotation axis (ie. initial field in the

x−direction). As previously times are given in units of the free-fall time, tff = 2.4 × 104 yrs and magnetic field strength is expressed in terms of the

mass-to-flux ratio in units of the critical value, corresponding to B = 40.7, 81.3, 108.5, 163 and 203µG from top to bottom respectively. The transition from

a binary to a single protostar occurs at a lower field strength than with the initial field aligned with the rotation axis.

pressed for smaller cloud radii and enhanced for larger radii but

with similar trends in the influence of the magnetic field.

4.2.2 Initial field perpendicular to the rotation axis

Results of binary star formation calculations beginning with a mag-

netic field oriented perpendicular to the rotation axis (that is, with a

field initially in the x−direction) are shown in Figure 9. As in Fig-
ure 6 some general trends are clear: increasing the magnetic field

strength leads to a delayed collapse and increasingly suppresses bi-

nary formation. In this case, however, the transition from a binary

to a single star occurs earlier (that is, a single star is formed at

M/Φ = 5 in Figure 9 compared to M/Φ = 4 in Figure 6) and
the binary perturbation is increasingly deformed by the magnetic

field, which at higher field strengths results in a “double bar-like

collapse” (most evident in the higher field strength runs in Figure 9.

As previously, the global trends (delayed collapse and tran-

sition to a single star) are the result of the extra support provided

to the cloud by magnetic pressure alone. This is demonstrated by

Figure 10 which shows the results of similar calculations (that is,

with fields initially perpendicular to the rotation axis) but with mag-

netic tension forces turned off. In this case the transition to a single

star occurs for even lower magnetic field strengths (atM/Φ = 10).
This indicates not only that magnetic pressure is providing the dom-

inant role in suppressing fragmentation but also that magnetic ten-

sion can act to dilute the effect of magnetic pressure, even aiding

binary formation. We note that Boss (2000, 2002) similarly con-

cluded that magnetic tension forces can act to promote fragmenta-

c© 2007 RAS, MNRAS 000, 1–15
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as in Bate, Bonnell & Bromm (2003), but with magnetic fields...
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Observations suggest molecular clouds are:
mildly supercritical

have beta < 1
marginally super-Alfvenic

(Crutcher 1999, Bourke et al. 2001, Padoan et al. 2004, Heiles & Troland 2005)
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Figure 4. Evolution of the magnetic field in each of the magnetised runs (M/Φ = 20, 10, 5 and 3, top to bottom) shown at intervals of 0.4 cloud free-fall

times (left to right). Plots show streamlines of the integrated magnetic field direction overlaid on a colour map of the column-integrated magnetic pressure,

normalised in each case relative to the initial magnetic pressure (see colour bars). The weaker field runs (top two rows) show strong compression of the

magnetic field by the gas, whilst in the stronger field cases (bottom two rows) the field is very effective at providing support to the outer regions of the cloud

where the column density maps show anisotropic structure parallel to the field lines (Figure 1).

expected in ideal MHD due to the high numerical resistivity present

on small scales (although this may not be completely unrepresen-

tative since we have also neglected physical diffusion processes).

Nonetheless, the figures serve to starkly illustrate how the effect of

the magnetic field on large scales can have a significant influence

on both the degree and manner of star formation which occurs in

the cloud.

4.3.1 Hydrodynamic run

In the hydrodynamic case (leftmost column), star formation initi-

ates in three dense cores (two of which are shown in the tff = 1.1
panel, the other collapses to the top left of this figure and is vis-

ible at tff = 1.17). The two protostars shown in the tff = 1.1
panel accrete gas rapidly to reach masses of around 0.1 and 0.3M! .

The accretion flow forms massive discs around each of these stars,

both of which subsequently fragment to give a triple and quadruple

(double binary) system, respectively, from each of which low mass

members are ejected (though some “dance” around the combined

c© 2007 RAS, MNRAS 000, 1–13
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Figure 7. Initial mass functions at tff = 1.5 for each of the five runs, in order of increasing magnetic field strength (left to right, top to bottom) and the
cumulative fractional number of stars as a function of mass in all four cases (bottom right panel), with lines corresponding to the hydrodynamic run (black,

solid), M/Φ = 20 (red, dotted), M/Φ = 10 (green, dashed),M/Φ = 5 (blue, long-dashed) andM/Φ = 3 (magenta, dot-dashed). The vertical dashed line

in each case indicates the characteristic mass in the hydrodynamic run.

of the cluster (which fragments spectacularly in the M/Φ = 20
run) is at earlier times much less massive and forms only an ac-

creting binary system (tff = 1.29 in Figure 6), though the mass
accretion onto this system at later times (tff > 1.33, centre panel
of last three rows in Figure 6) causes further fragmentation.

4.3.4 M/Φ = 5

The star formation sequence in theM/Φ = 5 run (Figure 5, fourth
column) is almost unrecognisable compared to the hydrodynamic

case. The first fragmentation occurs in this case in a disc which ap-

pears edge-on in Figure 5 (tff = 1.1 panel) – that is, perpendicular
to the global magnetic field direction. Whilst this disc fragments to

form a multiple system from which a brown dwarf is ejected, the

subsequent accretion and thus star formation occurs at a dramati-
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NBDs Nstars ratio

Hydro 44 14 3.14

M/Φ = 20 51 18 2.83

M/Φ = 10 22 11 2.0

M/Φ = 5 15 14 1.07

M/Φ = 3 8 7 1.14
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Figure 1. Global cloud evolution, shown as column density in the cloud at intervals of 0.2 cloud free-fall times (top to bottom) for the five runs of progressively
increasing magnetic field strength (left to right), parametrised in terms of the mass-to-flux ratio of the cloud in units of the critical value. Thus M/Φ = ∞

is a hydrodynamic evolution whilst the strongest field run is M/Φ = 3 (that is, supercritical by a factor of 3). Note the large voids and vertical filamentary

structure in the strongly magnetised runs.

At later times (tff > 0.8) there are further differences in the
global cloud evolution. The most obvious of these is that in the

M/Φ = 5 and 3 runs large voids are present in the cloud which are
completely absent from the hydrodynamic calculation (e.g. com-

paring the rightmost panels of the second last and last rows with

the hydrodynamic run). These features appear as a result of large

scale magnetic flux which remains threaded through the cloud, il-

lustrated further in Figure 3 which shows a zoomed-in portion of

the cloud from the M/Φ = 5 run. The plot shows column density
(top panel) together with a plot of the column-integrated magnetic

pressure and a map of the integrated magnetic field with strength

and direction given by the arrows (bottom panel). The single sink

particle which has formed at this point in this simulation is shown in

black. Clearly visible is a large void structure to the immediate left
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is a hydrodynamic evolution whilst the strongest field run is M/Φ = 3 (that is, supercritical by a factor of 3). Note the large voids and vertical filamentary

structure in the strongly magnetised runs.

At later times (tff > 0.8) there are further differences in the
global cloud evolution. The most obvious of these is that in the

M/Φ = 5 and 3 runs large voids are present in the cloud which are
completely absent from the hydrodynamic calculation (e.g. com-

paring the rightmost panels of the second last and last rows with

the hydrodynamic run). These features appear as a result of large

scale magnetic flux which remains threaded through the cloud, il-

lustrated further in Figure 3 which shows a zoomed-in portion of

the cloud from the M/Φ = 5 run. The plot shows column density
(top panel) together with a plot of the column-integrated magnetic

pressure and a map of the integrated magnetic field with strength

and direction given by the arrows (bottom panel). The single sink

particle which has formed at this point in this simulation is shown in

black. Clearly visible is a large void structure to the immediate left
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completely absent from the hydrodynamic calculation (e.g. com-
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is a hydrodynamic evolution whilst the strongest field run is M/Φ = 3 (that is, supercritical by a factor of 3). Note the large voids and vertical filamentary

structure in the strongly magnetised runs.

At later times (tff > 0.8) there are further differences in the
global cloud evolution. The most obvious of these is that in the

M/Φ = 5 and 3 runs large voids are present in the cloud which are
completely absent from the hydrodynamic calculation (e.g. com-

paring the rightmost panels of the second last and last rows with

the hydrodynamic run). These features appear as a result of large

scale magnetic flux which remains threaded through the cloud, il-

lustrated further in Figure 3 which shows a zoomed-in portion of

the cloud from the M/Φ = 5 run. The plot shows column density
(top panel) together with a plot of the column-integrated magnetic

pressure and a map of the integrated magnetic field with strength

and direction given by the arrows (bottom panel). The single sink

particle which has formed at this point in this simulation is shown in
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Column density striations along field lines
due to streaming motions in the gas

6 Price & Bate

Figure 2. Zoomed-in view of the outer parts of the cloud in theM/Φ = 3

run at tff = 0.44. The column density.

Figure 3. Close up view of the void structure in the M/Φ = 5 run at

tff = 1.05, showing column density in the cloud (top) and a rendered
plot of the integrated magnetic pressure with overlaid arrows indicating the

direction and magnitude of the integrated magnetic field. The lower panel is

almost an exact inverse of the upper panel, indicating that the void structure

is magnetic in origin.

of the sink, extending to the upper left and diagonally to the bottom

right in the figure. The lower plot, showing the integrated magnetic

pressure, appears almost as an inverse of the top panel – that is, the

column density is low where the magnetic pressure is high. Further-

more the magnetic field direction closely traces the void structure

visible in the column density plot. These magnetically-supported

voids have significant implications for the star formation efficiency

in the cloud as a whole, discussed further in §4.5.

Finally, a delay in the onset and vigour of star formation is

apparent even in this global view at tff = 1.2 since stars which

have been ejected from their parental envelopes are already visible

in the hydrodynamic cloud at this time whilst none are visible in the

runs which include a magnetic field. The star formation sequence

in each case is discussed further in §4.3, below.

4.2 Magnetic field evolution

The magnetic field in each of the magnetised runs (M/Φ =
20, 10, 5 and 3) is shown in Figure 4 at intervals of 0.4 cloud free-
fall times (left to right). In these plots we show streamlines of the

magnetic field direction (column integrated) in the cloud, overlaid

on a column-integrated map of the magnetic pressure in the cloud,

normalised in each case relative to the initial magnetic pressure.

Thus the colour scale illustrates the relative compression of the field

in each case.

In the weaker field runs (M/Φ = 20 and 10, top two rows)
the magnetic field is strongly compressed both by the shocks re-

sulting from the initial turbulent velocity field (most visible at

tff = 0.4) and subsequently by the gravitational contraction of
the cloud (tff ! 0.8, right panels), also resulting in strong dis-
tortions of the initially straight magnetic field lines. However even

in the weak field cases, whilst the field is significantly distorted by

the collapse, the large scale geometry of the field remains imprinted

into the cloud by the collapse and the net flux threading the cloud

remains apparent even at late times. In fact the large scale structure

of the field in the outer regions of the cloud is subsequently altered

very little as star formation proceeds in the dense central regions.

The relative compression of the field decreases as the field

strength increases (ie. comparing snapshots within the same col-

umn) and in the stronger field runs (M/Φ = 5 and 3, bottom two
rows) the field geometry remains largely uniform as the collapse

proceeds, with only a relatively small compression of the magnetic

field. In these cases the magnetic field is able to impart significant

directionality to the gas motions – particularly in the outer parts of

the cloud, by channelling material along magnetic field lines (the

effects of which are clearly visible in the column density plots for

these runs shown in Figure 1). The anisotropy of turbulent motions

in the presence of a magnetic field is a clear prediction of MHD

turbulence theory (e.g. Goldreich & Sridhar 1995). This also leads

to the tantalising possibility that it may be possible to infer and thus

map both magnetic field strength and direction in molecular clouds

by measuring anisotropy in interferometric velocity maps (Vestuto

et al. 2003).

Figure 4 also illustrates how the boundary condition on the

magnetic field is treated in the calculations (discussed above in

§??). Initially (left panels) the field is defined only on the particles

but remains uniform at the boundary because the gradient in the Eu-

ler potentials is computed exactly to linear order regardless of the

particle distribution. By tff = 0.4 (second panel), the outer layers
of the cloud have expanded and thus provide an external medium

into which the magnetic field remains anchored at later times.

4.3 Star formation sequence

The star formation sequence in each of the five runs is presented in

Figures 5 and 6 although is best appreciated by viewing animations

of each simulation. The figures show snapshots on a zoomed-in por-

tion of the cloud (dimensions 5156×5156AU and 7219×7219AU
in Figures 5 and 6 respectively) at intervals of 0.032tff throughout

the evolution. We again caution that the results in the MHD cases

should be taken as an upper limit on the degree of star formation

c© 2007 RAS, MNRAS 000, 1–13
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normalised in each case relative to the initial magnetic pressure.

Thus the colour scale illustrates the relative compression of the field
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sulting from the initial turbulent velocity field (most visible at

tff = 0.4) and subsequently by the gravitational contraction of
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Figure 1: Integrated intensity of 13CO in Taurus. The scale of antenna temperature corrected for main beam efficiency runs from
0.5 K km s−1 to 10 K km s−1. The strongest emission comes from the “molecular ring”, the B18 cloud, and the L1495 filament.

Figure 2: Integrated intensity of 12CO in Taurus. The scale of antenna temperature corrected for main beam efficiency runs from
1.0 K km s−1 to 12 K km s−1. The diffuse emission is seen in the center and upper left portion of the image. The very striated
nature of this gas is particularly striking. Note also the filaments extending from almost all of the boundaries of the highly molecular
regions.
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“A hole...[where] it appears 
that some agent has been 
responsible for dispersing 

the molecular gas” 
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diffusion)
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